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Cosmic Neutrino Background Spectrum 4
A combined fit of IceCube’s high energy neutrino data

Figure 3: Result of the com-
bined fit of tracks and cascades
under different assumptions
of the astrophysical neutrino
flux. Solid lines represent
the sensitive energy ranges of
the corresponding astrophys-
ical flux models. The un-
certainty band shown in blue
represents the 68% CL uncer-
tainties on the SPL fit. The
segmented flux fit uncertain-
ties are obtained by profil-
ing single-segment normaliza-
tions over all other parameters
in the fit.
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APPENDIX
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Figure 6. The all-sky distribution of the alerts in the catalog in equatorial coordinates. The blue stars denote EHE, the orange
circles GFU Bronze, the green triangles shows GFU Gold, the red diamonds show HESE Bronze, and the purple plus-signs show
HESE Gold alerts.The 90% uncertainty contours at the location of each alert are shown by the dashed ellipses.
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• IceCube has been detecting astrophysical neutrinos

• Arrival direction: consistent with isotropic —> cosmic HE neutrino background

• Soft spectrum:  @ TeV >  @ PeV


• Origin of cosmic neutrinos are a new big mystery

FEν
FEν
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High-energy neutrino production
• pp inelastic collision
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• p+p → p+p+π
• π±→ 3ν+e
• π0→2γ

• p+γ → p+π
• π±→ 3ν+e
• π0→2γ

Interaction between CRs & photons/nuclei → Neutrino production

Gamma-rays inevitably accompanied with neutrinos



Gamma-ray Constraint on Neutrino Sources
• Fermi Satellite is measuring 

cosmic gamma-ray backgrounds


• ν flux@10 TeV > γ-ray flux@100 GeV


• Consider sources from which 
both γ & ν can easily escape 
→ fit theory to neutrino data  
→ γ-ray theory >> γ-ray data


• γ-ray needs to be absorbed  
inside the sources (hidden source) 




• X-rays efficiently absorbs GeV γ-rays

γ + γ → e+ + e−

6

dark sources below 100 TeV not seen in g’s ?
gamma rays cascade in the source to lower energy

γ-ray  data

Neutrino theory

γ-ray  theory

Bechtol et al. 2017
Murase et al. 2013, 2016

Neutrino data



Evidence of Neutrinos from Seyferts 7

M77 (NGC 1068)

Neutrino emission from NGC 1068
The high-resolution scan around the most sig-
nificant location in the Northern Hemisphere
is shown in Fig. 2A, with NGC 1068 located
inside the 68% confidence region. The posi-
tion of NGC 1068 produced m̂ns ¼ 79þ22

#20 more
events than expected from the atmospheric
and diffuse astrophysical neutrino backgrounds.
Figure 2B shows the distribution of the angu-
lar separation of these events from NGC 1068.
Among the 79 most contributing events, 63
were included in a previous analysis (23). The
systematic uncertainty on m̂ns is ~2 events (26).
The measured spectral index is ĝ ¼ 3:2þ0:2

#0:2
with an estimated systematic uncertainty of
±0.07 (26), consistent with previous results
(23). We estimate these systematic uncertain-
ties by analyzing simulated data, assuming a
source with flux equal to the onemeasured for
NGC 1068 but varying assumptions about the
detector response (26). Systematic uncertainties
arise mainly from the modeling of the photon
propagation in the glacial ice—e.g., scattering
and absorption—and the efficiencywithwhich
photons are detected by the IceCube optical
modules. Systematic uncertainties are smaller
than statistical uncertainties fordirectional track
reconstructions (26) but have a nonnegligible
effect on the energy reconstructions.
The properties of the source spectrum are

shown in Fig. 3, which shows the likelihood
as a function of the model parameters (F0, g)
evaluated at the coordinates of NGC 1068.
The conversion of m̂ns to the flux F0 accounts
for the contribution from tau neutrino in-
teractions (which produce muons) assuming
an equal neutrino flavor ratio. The best-fitting
flux averaged over the data-taking period,
at a neutrino energy of 1 TeV, is F1Tev

nmþ!nm ¼
5:0 Tð 1:5stat T 0:6sysÞ & 10#11 TeV#1 cm#2s#1.
This systematic uncertainty was estimated by
varying the flux normalization under differ-
ent ice and detector properties, such that we
reproduce the observed values of ĝ and m̂ns in
the median case.
Our analysis assumed that the spectrum fol-

lows an unbroken power law over the entire
energy range of the dataset. However, our re-
sults show that the main contribution to the
excess (and thus the measured spectral index
and flux normalization) comes from neutrinos
in an energy range from 1.5 to 15 TeV, which
contributes 68% to the total test statistic. Out-
side this energy range, the data do not strong-
ly constrain the inferred flux properties. Our
results strengthen the suggestion (23) that
NGC 1068 could be a neutrino source; we find
a higher statistical significance for this result
(4.2s versus 2.9s).
Incrementally removing themost contribut-

ing neutrino events one by one from the vicinity
of NGC 1068 shows that the excess persists,
which indicates that it is not dominated by
one or a few single events but is the result of

an accumulation of neutrinos (26). We visually
inspected all neutrino events contributing to
the excess from NGC 1068, finding typical, well-
reconstructed, horizontal, and approximately
tera–electron volt–energy tracks with no sign

of unexpected contamination or anomalies
(26). Out of the 20 events contributing the
most to the test statistic, 19were included in the
previous analysis (23). Although the location is
therefore dominated by the same neutrinos, the
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Fig. 4. Multimessenger spectral energy distribution of NGC 1068. Gray points show multifrequency
observations (data sources listed in table S1). Dark and light green points indicate gamma-ray observations
at 0.1 to 100 GeV (40, 41) and >200 GeV (42), respectively. Arrows indicate upper limits, and error bars
are 1s confidence intervals. The solid, dark blue line shows our best-fitting neutrino spectrum with the
dark blue shaded region indicating the 95% confidence region. We restrict this spectrum to the range
between 1.5 and 15 TeV, where the flux measurement is well constrained (26). Two theoretical predictions
are shown for comparison: The light blue shaded region and the gray line show the NGC 1068 neutrino
emission models from (52, 55) and (53), respectively. The shaded region covers possible values of the
gyrofactor 30 ≤ hg ≤ 104 used to describe uncertainty in the efficiency of the underlying particle acceleration
(55). All fluxes F are multiplied by the energy squared E2.

Fig. 5. Comparison of point-source fluxes with the total diffuse astrophysical neutrino flux. Fluxes
for NGC 1068 (blue line, this work), TXS 0506+056 (orange line, this work), and the diffuse neutrino
background [brown data points and gray band (17, 25)] are given for a single flavor of neutrinos and
antineutrinos. All fluxes Fvþ!v are multiplied by the neutrino energy squared E2n . For the conversion of the
diffuse astrophysical flux measured from the nent channel (17), we assume an equal flavor ratio. Shaded
regions and dashed lines indicate 68% confidence intervals. Downward arrows are 68% upper limits.
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• Point source search with 10-year data set with an improved analysis method

• Cataloged source search result: 2.9σ (2020) —> 4.2σ (2022)

•   —> Hidden neutrino source


• γ-ray, CR & ν production sites are under debates. Let’s discuss possibilities.

Fν ≫ Fγ

(26). We applied the directional track recon-
struction method SPLINERECO (26, 27, 28) to all
events in our dataset (26). We incorporated ad-
ditional calibration information in the extrac-
tion of the charges at each DOM and in the
corresponding arrival times of Cherenkov pho-
tons. Compared with previous work (23), this
introduces small changes in the reconstructed
event energies and some reconstructed event
directions (26). To ensure a uniform detector
response, theDOMs of theDeepCore subarray,
intended to study ≲100‐GeV neutrinos, were
excluded (25). Our resulting dataset, which
is optimized for track-like events induced
by muon (anti-)neutrinos

h
nm
!ð Þ
i
, has a total ex-

posure time of 3186 days.
We restricted our searches to the Northern

Hemisphere from declination d = −3° to 81°,
where IceCube is most sensitive to astrophys-
ical sources. IceCube uses Earth as a passive
cosmic muon shield and as a target material
for neutrinos. Hence, by selecting only upward-
going events, we reduced the atmosphericmuon
background, which contributes <0.3% to our
final event sample (25). Declinations higher
than 81° are excluded because low-energy
events from those directions are closely aligned
with the strings of IceCube, complicating our
distinction between the signal and background
(26). The resulting loss of sky coverage is <1%.
A total of ~670,000 neutrino-induced muon

tracks pass the final event selection criteria
(25). However, only a small fraction of these
events originate from neutrinos produced in
astrophysical sources. Most arise from the de-
cay of particles (specifically mesons) that are
produced in the interaction of cosmic rays
with nuclei in Earth’s atmosphere. To discrim-
inate neutrinos that originate from individual
astrophysical sources from the background of
atmospheric anddiffuse astrophysical neutrinos,
we used a maximum-likelihoodmethod and
likelihood ratio hypothesis testing, based on the
estimated energy, direction, and angular uncer-
tainty of each event (26). The median angular
resolution of each neutrino arrival direction,
composed of reconstruction uncertainty and
the kinematic angle between the parent neu-
trino and the muon, is 1.2° at 1 TeV, 0.4° at
100 TeV, and 0.3° at 1 PeV. We assume any
point source emits a neutrino flux Fnmþ!nm de-
scribed by a generalized power-law energy
spectrum, Fnmþ!nm Enð Þ ¼ F0· En=E0ð Þ!g , with
normalization energy E0 = 1 TeV, where En is
the neutrino energy and the spectral index g
and the flux normalization F0 are free parame-
ters (26). This corresponds to two correlated
model parameters that we express as a pair
(mns, g), where mns is the mean number of as-
trophysical neutrino events associated with a
given point in the sky. Using the energy- and
declination-dependent effective area of the de-
tector and assuming a spectral index g, mns can
be directly converted to F0 (26). Hence, the

tuple of mns and g fully determines the flux of
muon neutrinos,Fnmþ!nm , at any given energy.
We performed three different searches (26).

The first search consists of three discrete scans
of the Northern Hemisphere to identify the
location of the most statistically significant
excesses of high-energy neutrino events. These
scans use three different hypotheses for the
spectral index: g as a free parameter, g fixed to
2.0, and g fixed to 2.5. The other two searches
use a list of 110 preselected astronomical ob-
jects, all located in the Northern Hemisphere:
The second search is for the most significant
candidate neutrino source in the list, whereas
the third search consists of a binomial test to
evaluate the significance of observing an ex-
cess of k sources with local P values below or
equal to a chosen threshold, with k being an
index from 1 to 110. The binomial test is re-

peated under the same three spectral index
hypotheses as the sky scan.
All analysismethods, including the selection

of the hypotheses to be tested, were formu-
lated a priori. The performance of eachmethod
was evaluated using simulations and random-
ized experimental data (26). The local P values
are determined as the fraction of background-
only simulations that yield a test statistic greater
than (or equal to) the test statistic obtained
from the experimental data. The global P values
are determined from the smallest local P value
after correcting for testing multiple locations
(the look-elsewhere effect) (26). We use this
global value to assess the evidence that the
data provide against a background-only null
hypothesis (that the data consist purely of at-
mospheric background and isotropic cosmic
neutrinos).
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Table 1. Summary of final P values. For each of the three tests performed, we report the most
significant local and global P values.

Test type
Pretrial P value, Plocal
(local significance)

Posttrial P value, Pglobal
(global significance)

Northern Hemisphere scan 5.0 × 10−8 (5.3s) 2.2 × 10−2 (2.0s)
. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ..... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .

List of candidate sources, single test 1.0 × 10−7 (5.2s) 1.1 × 10−5 (4.2s)
. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ..... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .

List of candidate sources, binomial test 4.6 × 10−6 (4.4s) 3.4 × 10−4 (3.4s)
. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ..... ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... .. ... ... .. ... ... .. ... ... .. ... .. ... ... .

Fig. 2. High-resolution scan around the most significant location. (A) High-resolution scan around the
most significant location marked by a white cross, with contours showing its 68% (solid) and 95% (dashed)
confidence regions. The red dot shows the position of NGC 1068, and the red circle is its angular size in
the optical wavelength (61). (B) The distribution of the squared angular distance, ŷ2, between NGC 1068 and
the reconstructed event directions. We estimated the background (orange) and the signal (blue) from
Monte Carlo simulations, assuming the best-fitting spectrum at the position of NGC 1068. The superposition
of both components is shown in gray and the data in black. This representation of the result ignores the
energy and angular uncertainty of the events.
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γ-ray constraints
• NGC 1068 should be hidden sources 

—> demands compact emission sites


• EM cascade modeling with γ-ray data: 
—> Emission region:  


• Possible regions of neutrino emission: 
- magnetized accretion flows (coronae) 
- Accretion shocks 
- disk winds

R ≲ 100RS
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Figure 3. Left: neutrino and cascaded gamma-ray spectra in the minimal pp scenario with ⇠B = 0.01, where the IC cascade
contribution is significant. Middle: same as the left panel but for ⇠B = 1, where the synchrotron cascade dominates. Right:
neutrino and cascaded gamma-ray spectra in the minimal p� scenario with ⇠B = 1, where the Bethe-Heitler pair production
enhances the cascade flux.

a weak jet with a luminosity of Lj ⇠ a few ⇥

1043 erg s�1 (Garćıa-Burillo et al. 2014). In the rela-
tivistic jet model as another example, we have UB =
✏BLj/(4⇡fjR2�2

j
c) ⇡ ✏BLj/(2⇡R2

c) and ⇠B ' 0.63 ⇥

10�2
✏B,�1f⌦(Lj,43.5/Lbol,45), where the beaming factor

is fj ⇡ 1/(2�2

j
), �j is the jet Lorentz factor, and ✏B ⇠

10�4
� 10�1 from the literature of gamma-ray burst af-

terglows (e.g., Granot & van der Horst 2014). More gen-
erally, ⇠B ⇠ 1 is possible, e.g., in the magnetically pow-
ered corona model (Murase et al. 2020a), where the mag-

netic field can be estimated by B = (8⇡ncor

p
kT

cor

p
/�)1/2,

leading to ⇠B ' 1.4 �
�1(⌧ cor

T
/⇣e)f⌦M7.3L

�1

bol,45
. Here �

is the plasma beta, ncor

p
is the coronal proton density,

kT
cor

p
is the proton temperature that is set to the virial

temperature, ⌧ cor
T

⇠ 0.1�1 is the coronal optical depth,
and ⇣e is the pair loading factor.
First, we consider hadronuclear (pp) scenarios. These

scenarios are commonly considered for gamma-ray
transparent neutrino sources (Murase et al. 2013). For
an E

�2

⌫
spectrum, i.e., E⌫FE⌫ / const., the constraint

from Equation (3), R
⇠
< 100, should still be applied not

to violate the Fermi data. More generally, harder CR
spectra are possible if CRs are accelerated via magnetic
reconnections and/or stochastic acceleration. Thus we
consider the minimum pp scenario, in which the spec-
trum has a low-energy cuto↵ at "p = 10 TeV to explain
the neutrino spectrum only above 1.5 TeV (see Figure 3
left and middle). This can mimic models where the
CR spectrum is e↵ectively harder than dLCR/d ln "p /

"
1.3

p
�"

1.5

p
(Murase et al. 2020a). Note that due to the en-

ergy distribution of pp yields and pion/muon decay, the
neutrino spectrum cannot have an abrupt cuto↵ even in
such a minimal scenario (Murase et al. 2016).
Our numerical results of the minimal pp scenario for

⇠B = 0.01 are shown in Figure 3 (left). IceCube data
of neutrinos (Abbasi et al. 2022), Fermi data of gamma
rays (Abdollahi et al. 2020), and MAGIC gamma-ray
upper limits (Acciari et al. 2019) are also depicted. In
this case, the IC cascade is important, and at 100 GeV

the IC cooling time of electrons and positrons is com-
parable to their synchrotron cooling time. The emission
radius is constrained to be R

⇠
< 100 for ⇠B ⇠

< 0.01, con-
sistent with the previous analytical constraint.
The results for ⇠B = 1 are shown in Figure 3 (mid-

dle). Synchrotron emission by secondary pairs con-
tributes to sub-GeV emission for small values of R, so
the range of 100

⇠
< R

⇠
< 3000 is disfavored. When

gamma rays are suppressed by the two-photon annihila-
tion process, we again obtain R

⇠
< 100, consistent with

the previous estimates. On the other hand, the range
of R ⇠ (3 ⇥ 103 � 105) is allowed because of the syn-
chrotron cascade. While such parameter space is possi-
ble, the following conditions need to be met: (i) the CR
spectrum is very hard and nearly monoenergetic; (ii) the
magnetization is stronger than those expected in outflow
models but the magnetic field should not be too strong
for the synchrotron cascade flux to overshoot the Fermi

data. In the corona model, such a strong magnetization
is plausible but R

⇠
> 3⇥ 103 is unlikely.

Finally, the results for photohadronic (p�) scenarios

with ⇠B = 1 are shown in Figure 3 (right). As found
in Murase et al. (2020a), the Bethe-Heitler pair pro-
duction process plays a crucial role in the presence of
disk-corona radiation fields, which enhances the IC cas-
cade flux compared to the case only with photomeson
production. The Klein-Nishina suppression is less im-
portant for the Bethe-Heitler pairs because for a given
"p they have ⇠ 100 times lower energies than the pairs
from pion/muon decay. We obtain R

⇠
< 30 for ⇠B ⇠

< 1.

2.3. Energetics and Meson Production E�ciency

The di↵erential neutrino luminosity around 1 TeV is
"⌫L"⌫ ⇠ 3 ⇥ 1042 erg s�1 (Abbasi et al. 2022), so the
inferred CR luminosity is

LCR⇡
4(1 +K)

3K
max[1, f�1

mes
]f�1

sup
("⌫L"⌫ )Cp

⇠ 8⇥ 1042 erg s�1 max[1, f�1

mes
]f�1

sup
Cp, (4)

104Rs

300Rs

30Rs

Inoue+ 2022

Inoue+ 2020 Murase, SSK+ 2020
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Figure 9. ��1 = b2/(2p) at four typical times t = [2941, 2971, 2988, 3009]rg/c (from left to right) during the quasi-state-state
phase of accretion in the MAD configuration. Magnetic field lines are plotted on top as solid black lines. In the top half one
can detect the accretion of a magnetic flux tube (left panel) at x ⇡ 3rg, y ⇡ 1rg that opens up and becomes tearing unstable
(second panel) after it connects to the black hole, and produces copious plasmoids coalescing into large-scale structures (third
and fourth panel) at x ⇡ 5rg, y ⇡ 2.5rg with a typical size of about one Schwarzschild radius.

In Figure 10 we show the magnetization, current den-
sity, Ohmic heating, and temperature for the MAD
state, where we again mask the regions with � � 5. Due
to the higher magnetization (see the top-left panel) sur-
rounding the equatorial current sheets (see the top-right
panel) in the MAD state, the plasmoids are heated to
relativistic temperatures T ⇠ 10 (bottom-right panel),
an order of magnitude higher than in the SANE case.
The current density in the sheets is significantly higher
than in the SANE case. The plasmoids are heated
through Ohmic heating close to the event horizon, as
can be seen from the bottom-left panel.

3.5. Reconnection rate

We calculate the reconnection rate in a similar way as
for the Orszag-Tang vortex for both MAD and SANE
configurations. We first transform the Eulerian electric
and magnetic fields into a locally flat frame (see e.g.,
White et al. 2016) to apply the standard reconnection
analysis. We project the fields in the flat frame along
the direction parallel to the current layer to determine
the upstream geometry, and a typical Harris-type sheet
structure is found in Figure 11 both for the magnetic
field and the current density magnitude J . All three
magnetic field components switch sign in the current
sheets, indicating that zero-guide-field reconnection oc-
curs in both MAD and SANE cases. In the locally flat
frame we determine the inflow speed from the E ⇥ B-

velocity that we project along the direction perpendic-
ular to the current sheet, and then calculate the re-
connection rate as vrec/c = (vup,left � vup,right)/2c. In
both MAD and SANE configurations we select ten cur-
rent sheets at di↵erent times during the quasi-steady-
state phase of accretion and consistently find a recon-
nection rate between 0.01c and 0.03c. This finding is
in accordance with analytic resistive MHD predictions
for plasmoid-dominated reconnection in isolated current
sheets (Bhattacharjee et al. 2009; Uzdensky et al. 2010).

4. DISCUSSION AND CONCLUSIONS

We have shown that plasmoids form ubiquitously due
to magnetic reconnection in black-hole accretion flows,
regardless of the initial size of the disk and the magneti-
zation during the quasi-steady-state phase of accretion.
Energetic plasmoids that form on the smallest resistive
scales and escape the gravitational pull of the black hole
can grow into macroscopic hot spots through coalescence
with other plasmoids. In both MAD and SANE cases
these hot structures are ejected either along the jet’s
sheath or into the disk, heating the sheath and regions
of the disk within a few Schwarzschild radii of the event
horizon. In the MAD case the magnetization is signif-
icantly higher close to the event horizon, powering hot
spots with relativistic temperatures T = p/⇢ ⇠ 10, an
order of magnitude higher than in the SANE case T ⇠ 1.
The preferential heating of the jet’s sheath by continu-
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Figure 6. ��1 = b2/(2p) at four typical times t = [1460, 1480, 1540, 1580]rg/c (from left to right) during quasi-state-state phase
of accretion in the SANE configuration. Magnetic field lines plotted are on top as solid black lines. In the bottom half one can
detect the accretion of a magnetic flux tube at rKS cos ✓ = x ⇡ 6rg, rKS sin ✓ = y ⇡ �8rg (left two panels) that inflates, opens
up and becomes tearing unstable (third panel) after it connects to the black hole, and produces copious plasmoids coalescing
into large-scale structures at x ⇡ 5rg, y ⇡= �10rg (fourth panel) with a typical size of about one Schwarzschild radius. In
the top half of the panels a similar process can be seen at x ⇡ 7rg, y ⇡ 13rg in the second and third panel, also resulting in a
large-scale plasmoid at x ⇡ 9rg, y ⇡ 18rg in the fourth panel.

our simulations. We confirm convergence of the thin-
ning process of the current sheets by restarting from
the quasi-steady-state increasing the resolution up to
12288⇥ 6144, and measure the cells per thickness of the
sheets. In all considered cases the sheets are captured
by 8 or more cells over their widths, which is discussed
in section 3.3.

3.3. Plasmoid formation in the SANE model

Thin current sheets are expected to form above the
disk or in the jet’s sheath where magnetic flux tubes
are twisted by global shearing motion. These structures
can inflate while they accrete onto the black hole and
form thin current sheets after which their magnetic en-
ergy is dissipated close to the event horizon through re-
connection. The magnetic energy is released into heat
and bulk motion of the plasmoids that can either fall
into the black hole or get ejected. This process has
been studied in the force-free paradigm, assuming the
plasma to be infinitely magnetized (Parfrey et al. 2014;
Yuan et al. 2019a,b; Mahlmann et al. 2020). Addition-
ally, when the net magnetic flux in the accretion disk is
relatively small, turbulence resulting from the MRI can
produce magnetic fields with alternating polarities prone
to reconnection (Davis et al. 2010; Zhu & Stone 2018).
MHD turbulence is known to intermittently form large
plasmoid-unstable current sheets (Zhdankin et al. 2013,

2017; Dong et al. 2018) and the plasmoid instability can
significantly modify the turbulent MHD cascade at rela-
tively small scales and high Lundquist numbers S ⇠ 106

(Boldyrev & Loureiro 2017; Loureiro & Boldyrev 2017;
Mallet et al. 2017; Comisso et al. 2018).
In Figure 6 we observe both processes in a SANE

configuration and detect current sheets in the disk and
along the jet’s sheath, indicated by a small ��1 and
anti-parallel field lines. In the left-most two panels at
t = 1460rg/c and t = 1480rg/c a large flux tube falls
onto the black hole in the left bottom half at approx-
imately x = rKS cos ✓ ⇡ 8rg, y = rKS sin ✓ ⇡ �8rg.
In the third panel, at t = 1540rg/c, the flux tube has
both its footpoints attached to the black hole, it opened
up after it inflated and became thin enough to be tear-
ing unstable and form multiple plasmoids (Parfrey et al.
2014 observes a similar process). In the fourth panel, at
t = 1580rg/c, the plasmoids that are advected away
from the black hole along the jet’s sheath have formed
a large structure at x ⇡ 6rg, y ⇡ �10rg through coales-
cence. At x ⇡ 9rg, y ⇡ 17rg a similar process occurs in
the third panel and a large plasmoid has formed through
mergers of multiple smaller plasmoids that can be seen
in the left panels. In the first and second panel one can
detect a flux tube with one footpoint connected to the
black hole, that is then twisted by the shear flow, be-
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Figure 9. ��1 = b2/(2p) at four typical times t = [2941, 2971, 2988, 3009]rg/c (from left to right) during the quasi-state-state
phase of accretion in the MAD configuration. Magnetic field lines are plotted on top as solid black lines. In the top half one
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(second panel) after it connects to the black hole, and produces copious plasmoids coalescing into large-scale structures (third
and fourth panel) at x ⇡ 5rg, y ⇡ 2.5rg with a typical size of about one Schwarzschild radius.
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distributions (SEDs) are constructed from the data and from
empirical relations, and then we compute neutrino and
cascade gamma-ray spectra by consistently solving particle
transport equations. We demonstrate the importance of
future MeV gamma-ray observations for revealing the
origin of IceCube neutrinos especially in the medium-
energy (∼10–100 TeV) range and for testing neutrino
emission from NGC 1068 and other AGN.
We use a notation with Qx ¼ Q × 10x in CGS units.
Phenomenological prescription of AGN disk coronae.—

We begin by providing a phenomenological disk-corona
model based on the existing data. Multiwavelength SEDs
of Seyfert galaxies have been extensively studied, consist-
ing of several components; radio emission (see Ref. [60]),
infrared emission from a dust torus [61], optical and
ultraviolet components from an accretion disk [62], and
x rays from a corona [33]. The latter two components are
relevant for this work.
The “blue” bump, which has been seen in many AGN, is

attributed to multitemperature blackbody emission from a
geometrically thin, optically thick disk [63]. The averaged
SEDs are provided in Ref. [64] as a function of the
Eddington ratio, λEdd ¼ Lbol=LEdd, where Lbol and LEdd ≈
1.26 × 1045 erg s−1ðM=107 M⊙Þ are bolometric and
Eddington luminosities, respectively, and M is the
SMBH mass. The disk component is expected to have a
cutoff in the ultraviolet range. Hot thermal electrons in a
corona, with an electron temperature of Te ∼ 109 K,
energize the disk photons by Compton upscattering. The
consequent x-ray spectrum can be described by a power
law with an exponential cutoff, in which the photon index
(ΓX) and the cutoff energy (εX;cut) can also be estimated
from λEdd [31,65]. Observations have revealed the relation-
ship between the x-ray luminosity LX and Lbol [66] [where
one typically sees LX ∼ ð0.01 − 0.1ÞLbol], by which the
disk-corona SEDs can be modeled as a function of LX and
M. In this work, we consider contributions from AGN with
the typical SMBH mass for a given LX, using M ≈ 2.0 ×
107 M⊙ðLX=1.16 × 1043 erg s−1Þ0.746 [67]. The resulting
disk-corona SED templates in our model are shown in

Fig. 2 (see Supplemental Material [68] for details), which
enables us to quantitatively evaluate CR, neutrino and
cascade gamma-ray emission.
Next we estimate the nucleon density np and coronal

magnetic field strength B. Let us consider a corona with
the radius R≡RRS and the scale height H, where R is
the normalized coronal radius and RS ¼ 2GM=c2 is the
Schwarzschild radius. Then the nucleon density is
expressed by np ≈ τT=ðσTHÞ, where τT is the Thomson
optical depth that is typically ∼0.1–1. The standard
accretion theory [69,70] gives the coronal scale height
H≈ðCs=VKÞRRS¼RRS=

ffiffiffi
3

p
, whereCs ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
kBTp=mp

p
¼

c=
ffiffiffiffiffiffiffi
6R

p
is the sound velocity, and VK ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GM=R

p
¼

c=
ffiffiffiffiffiffiffi
2R

p
is the Keplerian velocity. For an optically thin

corona, the electron temperature is estimated by
Te ≈ εX;cut=ð2kBÞ, and τT is empirically determined from
ΓX and kBTe [31]. We expect that thermal protons are at
the virial temperature Tp ¼ GMmp=ð3RRSkBÞ ¼ mpc2=
ð6RkBÞ, implying that the corona may be characterized by
two temperatures, i.e.,Tp > Te [71,72]. Finally, themagnetic
field is given by B ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πnpkBTp=β

p
with plasma beta (β).

Many physical quantities (including the SEDs) can be
estimated observationally and empirically. Thus, for a given
LX, parameters characterizing the corona (R, β, α) are
remaining. They are also constrained in a certain range by
observations [73,74] and numerical simulations [45,47].
For example, recent MHD simulations show that β in the
coronae can be as low as 0.1–10 (e.g., Refs. [41,46]). We
assume β ≲ 1–3 and α ¼ 0.1 for the viscosity parameter
[63], and adopt R ¼ 30.
Stochastic proton acceleration in coronae.—Standard

AGN coronae are magnetized and turbulent, in which it is
natural that protons are stochastically accelerated via
plasma turbulence or magnetic reconnections. In this work,
we solve the known Fokker-Planck equation that can
describe the second order Fermi acceleration process

FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by plasma turbulence generated in the
coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

FIG. 2. Disk-corona SEDs used in this work, for LX ¼ 1042,
1043, 1044, 1045, and 1046 erg s−1 (from bottom to top). See text
for details.
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Figure 7
Composite SEDs for radio-quiet AGNs binned by Eddington ratio. The SEDs are normalized at 1 µm.
(Adapted from L.C. Ho, in preparation.)

nuclei (Ho 1999b, 2002a; Ho et al. 2000) and a substantial fraction of Seyfert nuclei (Ho & Peng
2001). Defining radio-loudness based on the relative strength of the radio and X-ray emission,
RX ≡ νLν (5 GHz)/LX, Terashima & Wilson (2003b) also find that LINERs tend to be radio-
loud, here taken to be RX > 10−4.5. Moreover, the degree of radio-loudness scales inversely with
Lbol/LEdd (Ho 2002a; Terashima & Wilson 2003b; Wang, Luo & Ho 2004; Greene, Ho & Ulvestad
2006; Panessa et al. 2007; Sikora, Stawarz & Lasota 2007; L.C. Ho, in preparation; see Figure 10b).

In a parallel development, studies of the low-luminosity, often LINER-like nuclei of FR I radio
galaxies also support the notion that they lack a UV bump. M84 (Bower et al. 2000) and M87
(Sabra et al. 2003) are two familiar examples, but it has been well documented that FR I nuclei
tend to exhibit flat αox (Donato, Sambruna & Gliozzi 2004; Balmaverde, Capetti & Grandi 2006;
Gliozzi et al. 2008) and steep slopes in the optical (Chiaberge, Capetti & Celotti 1999; Verdoes
Kleijn et al. 2002) and optical-UV (Chiaberge et al. 2002).

Finally, I note that the UV spectral slope can be indirectly constrained from considering the
strength of the He II λ4686 line. Although this line is clearly detected in Pictor A (Carswell et al.
1984, Filippenko 1985), its weakness in NGC 1052 prompted Péquignot (1984) to deduce that
the ionizing spectrum must show a sharp cutoff above the He+ ionization limit (54.4 eV). In this
respect, NGC 1052 is quite representative of LINERs in general. He II λ4686 was not detected
convincingly in a single case among a sample of 159 LINERs in the entire Palomar survey (Ho,
Filippenko & Sargent 1997a). Starlight contamination surely contributes partly to this, but the line
has also eluded detection in HST spectra (e.g., Ho, Filippenko & Sargent 1996; Nicholson et al.
1998; Barth et al. 2001b; Sabra et al. 2003; Sarzi et al. 2005; Shields et al. 2007), which indicates
that it is truly intrinsically very weak. To a first approximation, the ratio of He II λ4686 to Hβ

reflects the relative intensity of the ionizing continuum between 1 and 4 Ryd. For an ionizing
spectrum fν ∝ να , case B recombination predicts He II λ4686/Hβ = 1.99 × 4α (Penston &
Fosbury 1978). The current observational limits of He II λ4686/Hβ ! 0.1 thus imply α ! − 2,
qualitatively consistent with the evidence from the SED studies.

Maoz (2007) has offered an alternative viewpoint to the one presented above. Using a sample
of 13 LINERs with variable UV nuclei, he argues that their SEDs do not differ appreciably from
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Figure 3. Colormaps in the meridional plane for run A. Left: density on the φ = 0 plane. Center: magnetic energy density, B2/(8π ), on the φ = 0 plane. Right:
Azimuthally averaged Vφ , 〈Vφ〉L, on the R − φ plane. The white lines are iso-contours of 〈Vφ〉L.

Vbul, φ as the background velocity for analyses of the test-particle
simulations in Section 3.2.

Fig. 4 plots the colormaps of the density (upper) and the magnetic
energy (lower) on the equatorial plane. The magnetic fields are
frozen in the differentially rotating fluid elements that fall to the
BH. This creates the spiral structure as seen in the figure. We can
also see that the fluctuation of the density is much smaller than
that of the magnetic field energy density. This implies that the fast
modes are a sub-dominant component in the MRI turbulence.

To clarify the importance of the modes of the MHD waves (fast,
slow, and Alfven), we evaluate the Pearson correlation coefficients
between the fluctuations of the density, δρ(R, θ,φ) = ρ − 〈ρ〉L,
and the magnetic energy, δB2(R, θ, φ) = B2 − 〈B2〉L. According
to the linear MHD wave theory, the fast mode has a positive
correlation, the slow mode has a negative correlation, and the Alfven
mode has no correlation. We evaluate the correlation coefficients
as a function of R and θ , and average over them with weights
associated with the area in the meridional plane. The resulting
coefficients indicate that the density and magnetic energy are weakly
anticorrelated: the value of the coefficient is −0.22 in the disc
region (|cos θ ! 0.45|) for run A. The lower resolution runs have
higher coefficients, i.e. the anticorrelations are weaker, but no run
has a positive correlation. Therefore, the fast modes do not play
an important role in this system. This result is natural in the sub-
Alfvenic and sub-sonic turbulence.

Finally, we discuss the azimuthal power spectra of the turbulence
(cf. Sorathia et al. 2012; Suzuki & Inutsuka 2014; see Parkin &
Bicknell 2013 for three-dimensional power spectra). We take the
Fourier transformation in the azimuthal direction,

Xm = 1√
2π

∫
X exp(−imφ)dφ, (13)

where m = kφR (kφ is the wavenumber in the φ direction). Then,
we take the average of the power spectrum over the disc region:

Pm =
∫

|Xm|2RdRdθ∫
RdRdθ

, (14)

where the integration region is set to be 0.1Rc ≤ R ≤ 0.6Rc and
|cos θ | ≤ 0.45. We plot the power spectra, mPm, for the magnetic

Figure 4. Colormaps in the equatorial plane for run A. The upper and lower
panels show the density and the magnetic energy density, respectively.
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light [19]. We adopted the shearing box boundary condition
established by MHD simulations [20].
For the initial condition, a drifting Maxwellian velocity

distribution function was assumed in the local rotating
frame with angular velocityΩ0ðr0Þ. The drift velocity in the
y direction vyðxÞ was given by vyðxÞ ¼ rΩðrÞ − rΩ0ðr0Þ≃
−qΩ0ðr0Þx, and the radial velocity vx and the vertical
velocity vz were both zero. In order to save CPU time, we
set up the pair plasma, but the linear behavior of the MRI in
the pair plasma was the same as that of ion-electron
plasmas [19]. A nonrelativistic isotropic plasma pressure
with a high plasma β ¼ 8πðpþ þ p−Þ=B2

0 ¼ 1536 was
assumed, where the electron and positron gas pressures
were related to the thermal velocities vt% by
p% ¼ ð3=2Þm%nv2t%. The initial magnetic field was ori-
ented purely vertical to the accretion disk, i.e.,
~B ¼ ð0; 0; B0Þ. The ratio of the cyclotron frequency to
the disk angular velocity was fixed at Ωc%=Ω0 ¼ %10,
where Ωc% ¼ e%B0=m%c. The grid size Δ was set to
23=2ðvt%=Ωp%Þ, where Ωp% ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πne2=m%

p
is the pair

plasma frequency. The Alfvén velocity is defined as
VA ¼ B=

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πm%n

p
, so that the plasma β is equal to

3v2t%=V
2
A. The parameters used were ðVA=Ω0Þ=Δ ¼ 25,

ðvt%=Ωc%Þ=Δ ¼ 56.4, VA=c ¼ 6.25 × 10−3. Nx, Ny, and
Nz are the grid sizes in the x, y, and z directions,
respectively, and we assumed Nx ¼ Nz ¼ Nz ¼ 300 in

this Letter. Lx ¼ Ly ¼ Lz ¼ ðNxΔÞ=λ ¼ 1.91 is the physi-
cal size normalized by λ ¼ 2πVA=Ω0. The number of
particles per cell was set to Np=cell ¼ 40.
Figure 1 shows the time evolution of the magnetic field

lines (greenish lines) and the structure of the high-density
regions (sandwiched by the reddish curved planes). Color
contours in the background at Y ¼ 1.91 and X ¼ 1.91
show the angular velocity vy in the local rotating frame. In
the early stage at Torbit ¼ Ω0t=2π ¼ 0.31 in Fig. 1(a), the
magnetic field lines are parallel to the z axis, and the
Keplerian motion or differential motion of vy can be seen as
the color contour at Y ¼ 1.91, where the reddish (bluish)
region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
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Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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MRI turbulence

Non-thermal tail

Particle-In-Cell Simulations in shearing box巨大ブラックホール
(太陽質量の１億倍)

ブラックホール降着円盤とは？
•ブラックホールに引きつけられたガスは, 回転しながらブラックホールに
吸い込まれる (降着円盤 or 降着流). 

•ガスの重力エネルギーが変換され, 明るく輝き, 場合によってはジェット
を噴出する.
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Magnetic reconnection → relativistic particle production 

Interaction with Turbulence → further energization

Particle-In-Cell Simulations with turbulence

Note also that in the 3D case the magnetic energy decays faster
than in the 2D case (compare insets of Figures 3 and 4). We will
show that this leads to a reduced particle acceleration rate at late
times.

3.2. Particle Spectrum

The most interesting outcome of the turbulent cascade is the
generation of a large population of nonthermal particles. This is
shown in Figure 5 (for the 2D setup), where the time evolution
of the particle energy spectrum ( )H �dN d ln 1 is presented
(H � � E mc1 k

2 is the normalized particle kinetic energy).
As a result of turbulent field dissipation, the spectrum shifts to
energies much larger than the initial Maxwellian, which is

shown by the blue line peaking at �H H� _ �1 1 0.6th0 . At
late times, when most of the turbulent energy has decayed, the
spectrum stops evolving (orange and red lines): it peaks at
γ−1∼5 and extends well beyond the peak into a nonthermal
tail of ultrarelativistic particles that can be described by a power
law
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and a sharp cutoff for γ�γc. Here N0 is the normalization of
the power law and p is the power-law index, which is about 2.8
for the simulation results presented in the main panel of
Figure 5 (note that in our figures we plot dN/dln(γ−1) to

Figure 2. 3D plots of different fluid structures in fully developed 3D turbulence (at ct/l=2.7) with σ0=10, δBrms0/B0=1, and L/de0=820 (with l=L/4). The
displayed quantities are (from left to right, top to bottom) the fluctuation magnetic energy density in units of B0

2/8π, the current density Jz along the mean magnetic
field in units of en0c, the bulk dimensionless four-velocity Γβ, and the particle density ratio n/n0. Note that the color bars for Γβ and n/n0 are in logarithmic scale. An
animation showing the current density Jz in different x-y slices can be found at https://doi.org/10.7916/d8-prt9-kn88.
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power-law index p for increasing magnetization σ0 (see also
Zhdankin et al. 2017; Comisso & Sironi 2018) is in analogy
with the results of PIC simulations of relativistic magnetic
reconnection (Guo et al. 2014; Sironi & Spitkovsky 2014;
Werner et al. 2016; Lyutikov et al. 2017; Petropoulou &
Sironi 2018). We will see that magnetic reconnection plays an
important role also in the turbulence scenario considered here.
However, as we show below, its role is confined to the initial
stages of particle acceleration, while the dominant acceleration
process is given by stochastic scattering off turbulent
fluctuations, which determines the slope and the cutoff of the
high-energy power-law tail.

A similar picture holds in 3D, i.e., a generic by-product of
the magnetized turbulence cascade is the production of a large
number of nonthermal particles. Figure 6 shows the evolution
of the particle energy spectrum ( )H �dN d ln 1 starting from
the initial Maxwellian peaked at �H H� _ �1 1 0.6th0 . As
time progresses, the particle energy spectrum shifts to higher
energies and develops a high-energy tail containing a large
fraction of particles. At late times, when most of the turbulent
energy has decayed, the particle energy spectrum stops
evolving (orange and red lines), and it peaks at γ−1∼7. It
extends well beyond the peak into a nonthermal tail of
ultrarelativistic particles that can be described by a power law
with an index p∼2.9 (main panel of Figure 6). As in the 2D
case, the normalization of the power law is close to the peak of
the spectrum, giving a large fraction of nonthermal particles. At
ct/l=12 we find that about 16% of particles have or exceed
twice the energy of the spectral peak, which provides an
indication of the percentage of particles in the nonthermal tail
ζnt.

In order to understand the dependence of the high-energy
power-law slope on the initial magnetization in 3D, we performed
four large-scale 3D simulations with { }T � 5, 10, 20, 400 and
same δBrms0/B0=1, L/de0=820. The power-law index p
decreases for increasing σ0 (see top inset in Figure 6), with
values that are close to the ones from the corresponding 2D
simulations with δBrms0/B0=1 (blue curve from the inset in
Figure 5). Here we also show the scaling of the high-energy cutoff

γc (bottom inset in Figure 6), defined as the Lorentz factor where
the spectrum drops one order of magnitude below the power-law
best fit. The high-energy cutoff γc increases as H Trc 0

1 2

(compare with dashed line in the inset), which is consistent with
the expectation from Equations (9) and (10) for a σ0-independent
domain size L/de0 and fixed δBrms0/B0.
Several astrophysical systems are thought to have δBrms/B0

larger than unity (e.g., E _B B 6rms
2

0
2 in some regions of the

Crab Nebula; Lyutikov et al. 2019). Therefore, we have
performed three additional 2D simulations with initial ratios
δBrms0/B0=1, 2, 4, with fixed initial magnetization σ0=40
and a larger domain size L/de0=3280. Figure 7 shows that the
power law becomes harder with increasing δBrms0/B0, with
p<2 for large initial fluctuations. In this case, both
Equations (8) and (9) should be understood as upper limits
that are subject to energy constraints, as we now discuss. The
starting point of the power-law tail, γst, could be lower than
indicated in Equation (8), if only a minor fraction of the
available energy goes into thermal particles, while most of the
energy goes into the nonthermal tail. Also, while in the case
p>2 one can have from Equation (9) that H l dc as kIde0 →
0, the case 1<p<2 has a lower attainable high-energy cutoff
γc, since the mean energy per particle in the power-law tail has
to be (Sironi & Spitkovsky 2014)
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where χ is the fraction of turbulent magnetic energy converted
into particles belonging to the power-law tail.
We conclude this section with the results of 2D simulations

having different initial plasma temperature θ0. From Figure 8,
we can see that the slope p, the fraction of nonthermal particles,
and the extent of the nonthermal tail γc/γst do not depend on
θ0. Indeed, this plot shows that spectra obtained from
simulations with different θ0 nearly overlap, when shifted by
an amount equal to the initial thermal Lorentz factor γth0. The
role of the initial choice of temperature is only to produce an
energy rescaling, since both γst and γc are proportional to γth0,

Figure 6. Time evolution of the particle spectrum dN/dln(γ−1) for the
simulation in Figure 2. At late times, the spectrum displays a power-law tail
with index ( )H� � � _p d N dlog log 1 2.9. About 16% of the particles
have γ�15 at ct/l=12 (twice the peak of the particle energy spectrum),
which gives an indication of the percentage of nonthermal particles. The inset
shows the power-law index p and the cutoff Lorentz factor γc as a function of
the magnetization σ0. The dashed line indicates the scaling H Trc 0

1 2 expected
for a σ0-independent domain size L/de0=820.

Figure 7. Particle spectra dN/dln(γ−1) at late times for simulations with
magnetization σ0=40, system size L/de0=3280 (with l=L/8), and
different values of initial fluctuations { }E �B B 1, 2, 4rms0 0 . For the case
with larger initial fluctuations, the late-time particle spectrum displays a power-
law tail with index ( )H� � � _p d N dlog log 1 1.9, and about 31% of the
particles have γ�25 at ct/l=12 (twice the peak of the particle energy
spectrum at that time), which gives an indication of the percentage of
nonthermal particles.
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magnetic field. The peak of the pdf for the particles at injection is
at a lower value of ∣ ∣J Jz p z, ,rms than in 2D, and in general there are
weaker ∣ ∣J Jz p z, ,rms wings for both the pdf of all particles and the
pdf of particles experiencing injection. This can be attributed to
the lower levels of intermittency that characterize 3D magnetized
turbulence with respect to its 2D counterpart (e.g., Biskamp 2003).
Nevertheless, about 80% of the particles are injected in regions
with ∣ ∣ .J J2z p z, ,rms. On the other hand, only approximately 11%
of the entire population of particles (at the representative time
ct/l=2.5) reside at ∣ ∣ .J J2z p z, ,rms. Therefore, also in 3D, special
locations of high electric current density are associated with
particle injection.

The spatial locations with ∣ ∣ .J J2z z,rms are associated with
current ribbons that are predominantly elongated along the
mean magnetic field B0. In Figure 12, we show the morphology
of these regions for two representative planes perpendicular to
B0 (taken at ct/l=2.5). These regions are sheet-like structures
with a variety of length scales. We can see that the majority of
the particles undergoing injection, whose location is shown by
the red circles, resides at these current sheets. A large fraction
of these current sheets are active reconnection layers,
fragmenting into plasmoids. A typical example of such
reconnecting current sheets is shown in Figure 13. We can

see four flux ropes (3D plasmoids) that are formed within the
current sheet (and elongated in the direction of the mean
magnetic field), which is the typical signature of fast plasmoid-
mediated reconnection. We will see in the next subsection that
current sheets undergoing fast reconnection are important for
having efficient particle injection, as they are capable to
“process” a significant fraction of particles (from the thermal
pool) during their lifetime in the turbulent plasma.

Figure 11. Relation between particle injection and electric current density from
the 3D simulation with σ0=10, δBrms0/B0=1, and L/de0=820. Top panel:
time evolution of the Lorentz factor for 10 representative particles selected to
end up in different energy bins at ct/l=12 (matching the different colors in
the color bar on the right). Bottom panel: pdf’s of ∣ ∣J Jz p z, ,rms experienced by the
high-energy particles at their tinj (red circles) and by all our tracked particles at
ct/l=2.5 (blue diamonds). About 80% of the high-energy particles are
injected at regions with ∣ ∣ .J J2z p z, ,rms.

Figure 12. Spatial correlation between particle injection and reconnecting
current sheets for the same 3D simulation as in Figure 11. In black, we show
regions of space with strong current density ∣ ∣ � §.J J2z z

2 1 2 at ct/l=2.5, for
two representative planes of the 3D domain, taken at z/l=0.6 (top panel) and
z/l=3.4 (bottom panel). The large-scale mean magnetic field B0 is in the out-
of-plane direction. The red circles indicate the positions of particles undergoing
injection around this time.
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light [19]. We adopted the shearing box boundary condition
established by MHD simulations [20].
For the initial condition, a drifting Maxwellian velocity

distribution function was assumed in the local rotating
frame with angular velocityΩ0ðr0Þ. The drift velocity in the
y direction vyðxÞ was given by vyðxÞ ¼ rΩðrÞ − rΩ0ðr0Þ≃
−qΩ0ðr0Þx, and the radial velocity vx and the vertical
velocity vz were both zero. In order to save CPU time, we
set up the pair plasma, but the linear behavior of the MRI in
the pair plasma was the same as that of ion-electron
plasmas [19]. A nonrelativistic isotropic plasma pressure
with a high plasma β ¼ 8πðpþ þ p−Þ=B2

0 ¼ 1536 was
assumed, where the electron and positron gas pressures
were related to the thermal velocities vt% by
p% ¼ ð3=2Þm%nv2t%. The initial magnetic field was ori-
ented purely vertical to the accretion disk, i.e.,
~B ¼ ð0; 0; B0Þ. The ratio of the cyclotron frequency to
the disk angular velocity was fixed at Ωc%=Ω0 ¼ %10,
where Ωc% ¼ e%B0=m%c. The grid size Δ was set to
23=2ðvt%=Ωp%Þ, where Ωp% ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πne2=m%

p
is the pair

plasma frequency. The Alfvén velocity is defined as
VA ¼ B=

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πm%n

p
, so that the plasma β is equal to

3v2t%=V
2
A. The parameters used were ðVA=Ω0Þ=Δ ¼ 25,

ðvt%=Ωc%Þ=Δ ¼ 56.4, VA=c ¼ 6.25 × 10−3. Nx, Ny, and
Nz are the grid sizes in the x, y, and z directions,
respectively, and we assumed Nx ¼ Nz ¼ Nz ¼ 300 in

this Letter. Lx ¼ Ly ¼ Lz ¼ ðNxΔÞ=λ ¼ 1.91 is the physi-
cal size normalized by λ ¼ 2πVA=Ω0. The number of
particles per cell was set to Np=cell ¼ 40.
Figure 1 shows the time evolution of the magnetic field

lines (greenish lines) and the structure of the high-density
regions (sandwiched by the reddish curved planes). Color
contours in the background at Y ¼ 1.91 and X ¼ 1.91
show the angular velocity vy in the local rotating frame. In
the early stage at Torbit ¼ Ω0t=2π ¼ 0.31 in Fig. 1(a), the
magnetic field lines are parallel to the z axis, and the
Keplerian motion or differential motion of vy can be seen as
the color contour at Y ¼ 1.91, where the reddish (bluish)
region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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Particle-In-Cell Simulations in shearing box巨大ブラックホール
(太陽質量の１億倍)

ブラックホール降着円盤とは？
•ブラックホールに引きつけられたガスは, 回転しながらブラックホールに
吸い込まれる (降着円盤 or 降着流). 

•ガスの重力エネルギーが変換され, 明るく輝き, 場合によってはジェット
を噴出する.

•高エネルギー天体のエネルギー源
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Magnetic reconnection → relativistic particle production 

Interaction with Turbulence → further energization

Particle-In-Cell Simulations with turbulence

Note also that in the 3D case the magnetic energy decays faster
than in the 2D case (compare insets of Figures 3 and 4). We will
show that this leads to a reduced particle acceleration rate at late
times.

3.2. Particle Spectrum

The most interesting outcome of the turbulent cascade is the
generation of a large population of nonthermal particles. This is
shown in Figure 5 (for the 2D setup), where the time evolution
of the particle energy spectrum ( )H �dN d ln 1 is presented
(H � � E mc1 k

2 is the normalized particle kinetic energy).
As a result of turbulent field dissipation, the spectrum shifts to
energies much larger than the initial Maxwellian, which is

shown by the blue line peaking at �H H� _ �1 1 0.6th0 . At
late times, when most of the turbulent energy has decayed, the
spectrum stops evolving (orange and red lines): it peaks at
γ−1∼5 and extends well beyond the peak into a nonthermal
tail of ultrarelativistic particles that can be described by a power
law

⎛
⎝⎜

⎞
⎠⎟ ( )

H
H
H

H H H�
�
�

� �
�

dN
d

N
1
1

, for , 7
st

p

st c0

and a sharp cutoff for γ�γc. Here N0 is the normalization of
the power law and p is the power-law index, which is about 2.8
for the simulation results presented in the main panel of
Figure 5 (note that in our figures we plot dN/dln(γ−1) to

Figure 2. 3D plots of different fluid structures in fully developed 3D turbulence (at ct/l=2.7) with σ0=10, δBrms0/B0=1, and L/de0=820 (with l=L/4). The
displayed quantities are (from left to right, top to bottom) the fluctuation magnetic energy density in units of B0

2/8π, the current density Jz along the mean magnetic
field in units of en0c, the bulk dimensionless four-velocity Γβ, and the particle density ratio n/n0. Note that the color bars for Γβ and n/n0 are in logarithmic scale. An
animation showing the current density Jz in different x-y slices can be found at https://doi.org/10.7916/d8-prt9-kn88.
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power-law index p for increasing magnetization σ0 (see also
Zhdankin et al. 2017; Comisso & Sironi 2018) is in analogy
with the results of PIC simulations of relativistic magnetic
reconnection (Guo et al. 2014; Sironi & Spitkovsky 2014;
Werner et al. 2016; Lyutikov et al. 2017; Petropoulou &
Sironi 2018). We will see that magnetic reconnection plays an
important role also in the turbulence scenario considered here.
However, as we show below, its role is confined to the initial
stages of particle acceleration, while the dominant acceleration
process is given by stochastic scattering off turbulent
fluctuations, which determines the slope and the cutoff of the
high-energy power-law tail.

A similar picture holds in 3D, i.e., a generic by-product of
the magnetized turbulence cascade is the production of a large
number of nonthermal particles. Figure 6 shows the evolution
of the particle energy spectrum ( )H �dN d ln 1 starting from
the initial Maxwellian peaked at �H H� _ �1 1 0.6th0 . As
time progresses, the particle energy spectrum shifts to higher
energies and develops a high-energy tail containing a large
fraction of particles. At late times, when most of the turbulent
energy has decayed, the particle energy spectrum stops
evolving (orange and red lines), and it peaks at γ−1∼7. It
extends well beyond the peak into a nonthermal tail of
ultrarelativistic particles that can be described by a power law
with an index p∼2.9 (main panel of Figure 6). As in the 2D
case, the normalization of the power law is close to the peak of
the spectrum, giving a large fraction of nonthermal particles. At
ct/l=12 we find that about 16% of particles have or exceed
twice the energy of the spectral peak, which provides an
indication of the percentage of particles in the nonthermal tail
ζnt.

In order to understand the dependence of the high-energy
power-law slope on the initial magnetization in 3D, we performed
four large-scale 3D simulations with { }T � 5, 10, 20, 400 and
same δBrms0/B0=1, L/de0=820. The power-law index p
decreases for increasing σ0 (see top inset in Figure 6), with
values that are close to the ones from the corresponding 2D
simulations with δBrms0/B0=1 (blue curve from the inset in
Figure 5). Here we also show the scaling of the high-energy cutoff

γc (bottom inset in Figure 6), defined as the Lorentz factor where
the spectrum drops one order of magnitude below the power-law
best fit. The high-energy cutoff γc increases as H Trc 0

1 2

(compare with dashed line in the inset), which is consistent with
the expectation from Equations (9) and (10) for a σ0-independent
domain size L/de0 and fixed δBrms0/B0.
Several astrophysical systems are thought to have δBrms/B0

larger than unity (e.g., E _B B 6rms
2

0
2 in some regions of the

Crab Nebula; Lyutikov et al. 2019). Therefore, we have
performed three additional 2D simulations with initial ratios
δBrms0/B0=1, 2, 4, with fixed initial magnetization σ0=40
and a larger domain size L/de0=3280. Figure 7 shows that the
power law becomes harder with increasing δBrms0/B0, with
p<2 for large initial fluctuations. In this case, both
Equations (8) and (9) should be understood as upper limits
that are subject to energy constraints, as we now discuss. The
starting point of the power-law tail, γst, could be lower than
indicated in Equation (8), if only a minor fraction of the
available energy goes into thermal particles, while most of the
energy goes into the nonthermal tail. Also, while in the case
p>2 one can have from Equation (9) that H l dc as kIde0 →
0, the case 1<p<2 has a lower attainable high-energy cutoff
γc, since the mean energy per particle in the power-law tail has
to be (Sironi & Spitkovsky 2014)
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where χ is the fraction of turbulent magnetic energy converted
into particles belonging to the power-law tail.
We conclude this section with the results of 2D simulations

having different initial plasma temperature θ0. From Figure 8,
we can see that the slope p, the fraction of nonthermal particles,
and the extent of the nonthermal tail γc/γst do not depend on
θ0. Indeed, this plot shows that spectra obtained from
simulations with different θ0 nearly overlap, when shifted by
an amount equal to the initial thermal Lorentz factor γth0. The
role of the initial choice of temperature is only to produce an
energy rescaling, since both γst and γc are proportional to γth0,

Figure 6. Time evolution of the particle spectrum dN/dln(γ−1) for the
simulation in Figure 2. At late times, the spectrum displays a power-law tail
with index ( )H� � � _p d N dlog log 1 2.9. About 16% of the particles
have γ�15 at ct/l=12 (twice the peak of the particle energy spectrum),
which gives an indication of the percentage of nonthermal particles. The inset
shows the power-law index p and the cutoff Lorentz factor γc as a function of
the magnetization σ0. The dashed line indicates the scaling H Trc 0

1 2 expected
for a σ0-independent domain size L/de0=820.

Figure 7. Particle spectra dN/dln(γ−1) at late times for simulations with
magnetization σ0=40, system size L/de0=3280 (with l=L/8), and
different values of initial fluctuations { }E �B B 1, 2, 4rms0 0 . For the case
with larger initial fluctuations, the late-time particle spectrum displays a power-
law tail with index ( )H� � � _p d N dlog log 1 1.9, and about 31% of the
particles have γ�25 at ct/l=12 (twice the peak of the particle energy
spectrum at that time), which gives an indication of the percentage of
nonthermal particles.
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magnetic field. The peak of the pdf for the particles at injection is
at a lower value of ∣ ∣J Jz p z, ,rms than in 2D, and in general there are
weaker ∣ ∣J Jz p z, ,rms wings for both the pdf of all particles and the
pdf of particles experiencing injection. This can be attributed to
the lower levels of intermittency that characterize 3D magnetized
turbulence with respect to its 2D counterpart (e.g., Biskamp 2003).
Nevertheless, about 80% of the particles are injected in regions
with ∣ ∣ .J J2z p z, ,rms. On the other hand, only approximately 11%
of the entire population of particles (at the representative time
ct/l=2.5) reside at ∣ ∣ .J J2z p z, ,rms. Therefore, also in 3D, special
locations of high electric current density are associated with
particle injection.

The spatial locations with ∣ ∣ .J J2z z,rms are associated with
current ribbons that are predominantly elongated along the
mean magnetic field B0. In Figure 12, we show the morphology
of these regions for two representative planes perpendicular to
B0 (taken at ct/l=2.5). These regions are sheet-like structures
with a variety of length scales. We can see that the majority of
the particles undergoing injection, whose location is shown by
the red circles, resides at these current sheets. A large fraction
of these current sheets are active reconnection layers,
fragmenting into plasmoids. A typical example of such
reconnecting current sheets is shown in Figure 13. We can

see four flux ropes (3D plasmoids) that are formed within the
current sheet (and elongated in the direction of the mean
magnetic field), which is the typical signature of fast plasmoid-
mediated reconnection. We will see in the next subsection that
current sheets undergoing fast reconnection are important for
having efficient particle injection, as they are capable to
“process” a significant fraction of particles (from the thermal
pool) during their lifetime in the turbulent plasma.

Figure 11. Relation between particle injection and electric current density from
the 3D simulation with σ0=10, δBrms0/B0=1, and L/de0=820. Top panel:
time evolution of the Lorentz factor for 10 representative particles selected to
end up in different energy bins at ct/l=12 (matching the different colors in
the color bar on the right). Bottom panel: pdf’s of ∣ ∣J Jz p z, ,rms experienced by the
high-energy particles at their tinj (red circles) and by all our tracked particles at
ct/l=2.5 (blue diamonds). About 80% of the high-energy particles are
injected at regions with ∣ ∣ .J J2z p z, ,rms.

Figure 12. Spatial correlation between particle injection and reconnecting
current sheets for the same 3D simulation as in Figure 11. In black, we show
regions of space with strong current density ∣ ∣ � §.J J2z z

2 1 2 at ct/l=2.5, for
two representative planes of the 3D domain, taken at z/l=0.6 (top panel) and
z/l=3.4 (bottom panel). The large-scale mean magnetic field B0 is in the out-
of-plane direction. The red circles indicate the positions of particles undergoing
injection around this time.
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LLAGN

distributions (SEDs) are constructed from the data and from
empirical relations, and then we compute neutrino and
cascade gamma-ray spectra by consistently solving particle
transport equations. We demonstrate the importance of
future MeV gamma-ray observations for revealing the
origin of IceCube neutrinos especially in the medium-
energy (∼10–100 TeV) range and for testing neutrino
emission from NGC 1068 and other AGN.
We use a notation with Qx ¼ Q × 10x in CGS units.
Phenomenological prescription of AGN disk coronae.—

We begin by providing a phenomenological disk-corona
model based on the existing data. Multiwavelength SEDs
of Seyfert galaxies have been extensively studied, consist-
ing of several components; radio emission (see Ref. [60]),
infrared emission from a dust torus [61], optical and
ultraviolet components from an accretion disk [62], and
x rays from a corona [33]. The latter two components are
relevant for this work.
The “blue” bump, which has been seen in many AGN, is

attributed to multitemperature blackbody emission from a
geometrically thin, optically thick disk [63]. The averaged
SEDs are provided in Ref. [64] as a function of the
Eddington ratio, λEdd ¼ Lbol=LEdd, where Lbol and LEdd ≈
1.26 × 1045 erg s−1ðM=107 M⊙Þ are bolometric and
Eddington luminosities, respectively, and M is the
SMBH mass. The disk component is expected to have a
cutoff in the ultraviolet range. Hot thermal electrons in a
corona, with an electron temperature of Te ∼ 109 K,
energize the disk photons by Compton upscattering. The
consequent x-ray spectrum can be described by a power
law with an exponential cutoff, in which the photon index
(ΓX) and the cutoff energy (εX;cut) can also be estimated
from λEdd [31,65]. Observations have revealed the relation-
ship between the x-ray luminosity LX and Lbol [66] [where
one typically sees LX ∼ ð0.01 − 0.1ÞLbol], by which the
disk-corona SEDs can be modeled as a function of LX and
M. In this work, we consider contributions from AGN with
the typical SMBH mass for a given LX, using M ≈ 2.0 ×
107 M⊙ðLX=1.16 × 1043 erg s−1Þ0.746 [67]. The resulting
disk-corona SED templates in our model are shown in

Fig. 2 (see Supplemental Material [68] for details), which
enables us to quantitatively evaluate CR, neutrino and
cascade gamma-ray emission.
Next we estimate the nucleon density np and coronal

magnetic field strength B. Let us consider a corona with
the radius R≡RRS and the scale height H, where R is
the normalized coronal radius and RS ¼ 2GM=c2 is the
Schwarzschild radius. Then the nucleon density is
expressed by np ≈ τT=ðσTHÞ, where τT is the Thomson
optical depth that is typically ∼0.1–1. The standard
accretion theory [69,70] gives the coronal scale height
H≈ðCs=VKÞRRS¼RRS=

ffiffiffi
3

p
, whereCs ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
kBTp=mp

p
¼

c=
ffiffiffiffiffiffiffi
6R

p
is the sound velocity, and VK ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GM=R

p
¼

c=
ffiffiffiffiffiffiffi
2R

p
is the Keplerian velocity. For an optically thin

corona, the electron temperature is estimated by
Te ≈ εX;cut=ð2kBÞ, and τT is empirically determined from
ΓX and kBTe [31]. We expect that thermal protons are at
the virial temperature Tp ¼ GMmp=ð3RRSkBÞ ¼ mpc2=
ð6RkBÞ, implying that the corona may be characterized by
two temperatures, i.e.,Tp > Te [71,72]. Finally, themagnetic
field is given by B ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πnpkBTp=β

p
with plasma beta (β).

Many physical quantities (including the SEDs) can be
estimated observationally and empirically. Thus, for a given
LX, parameters characterizing the corona (R, β, α) are
remaining. They are also constrained in a certain range by
observations [73,74] and numerical simulations [45,47].
For example, recent MHD simulations show that β in the
coronae can be as low as 0.1–10 (e.g., Refs. [41,46]). We
assume β ≲ 1–3 and α ¼ 0.1 for the viscosity parameter
[63], and adopt R ¼ 30.
Stochastic proton acceleration in coronae.—Standard

AGN coronae are magnetized and turbulent, in which it is
natural that protons are stochastically accelerated via
plasma turbulence or magnetic reconnections. In this work,
we solve the known Fokker-Planck equation that can
describe the second order Fermi acceleration process

FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by plasma turbulence generated in the
coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

FIG. 2. Disk-corona SEDs used in this work, for LX ¼ 1042,
1043, 1044, 1045, and 1046 erg s−1 (from bottom to top). See text
for details.
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turbulence. We compute steady state CR spectra by solv-
ing the following Fokker-Planck equation (e.g., [75–78]),

∂Fp

∂t
=

1

ε2p

∂

∂εp

(

ε2pDεp
∂Fp

∂εp
+

ε3p
tp−cool

Fp

)

− Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the CR distribution function, Dεp ≈ ε2p/tacc
is the diffusion coefficient in energy space, t−1

p−cool = t−1
pp +

t−1
pγ +t−1

BH+t−1
p−syn is the total cooling rate, t

−1
esc = t−1

fall+t−1
diff

is the escape rate, and Ḟp,inj is the injection function
(see Appendix [79]). The stochastic acceleration time is
given by tacc ≈ η(c/VA)

2(R/c)(εp/eBR)2−q, where VA

is the Alfvén velocity and η is the inverse of the turbu-
lence strength [80, 81]. We adopt q = 5/3, which is con-
sistent with the recent MHD simulations [56], together
with η = 10. Because the dissipation rate in the coronae
is expected to be proportional to LX , we assume that the
injection function linearly scales as LX . To explain the
ENB, the CR pressure required for LX = 1044 erg s−1

turns out to be ∼ 1% of the thermal pressure, which is
reasonable. We plot εpLεp ≡ 4π(ε4p/c

3)FpV(t−1
esc+t−1

p−cool)
in Fig. 2, where V is the volume.
While the CRs are accelerated, they interact with

matter and radiation modeled in the previous section,
and produce secondary particles. Following Ref. [82, 83],
we solve the kinetic equations taking into account elec-
tromagnetic cascades. In this work, secondary injections
by the Bethe-Heitler and pγ processes are approx-
imately treated as ε2e(dṄ

BH
e /dεe)|εe=(me/mp)εp ≈

t−1
BHε

2
p(dNCR/dεp), ε2e(dṄ

pγ
e /dεe)|εe=0.05εp ≈

(1/3)ε2ν(dṄ
pγ
ν /dεν)|εν=0.05εp ≈ (1/8)t−1

pγ ε
2
p(dNCR/dεp),

and ε2γ(dṄ
pγ
γ /dεγ)|εγ=0.1εp ≈ (1/2)t−1

pγ ε
2
p(dNCR/dεp).

The resulting cascade spectra are broad, being deter-
mined by synchrotron and inverse Compton emission.
In general, stochastic acceleration models naturally

predict reacceleration of secondary pairs populated by
cascades [84]. The critical energy of the pairs, εe,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te−cool.
We find that whether the secondary reacceleration oc-
curs or not is rather sensitive to B and tacc. For ex-
ample, with β = 3 and q = 1.5, the reaccelerated pairs
can upscatter x-ray photons up to ∼ (εe,cl/mec2)

2
εX %

3.4 MeV (εe,cl/30 MeV)2(εX/1 keV), which may form a
gamma-ray tail. However, if εe,cl <∼ 1 MeV (for β = 1
and q = 5/3), reacceleration is negligible, and small-scale
turbulence is more likely to be dissipated at high Tp [85].

IV. NEUTRINO BACKGROUND AND MEV
GAMMA-RAY CONNECTION

We calculate neutrino and gamma-ray spectra for dif-
ferent source luminosities, and obtain the EGB and ENB
through Eq. (31) of Ref. [91]. We use the x-ray luminos-
ity function dρX/dLX , given by Ref. [14], taking into
account a factor of 2 enhancement by Compton thick
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FIG. 3. EGB and ENB spectra in our RQ AGN core model.
The data are taken from Swift-BAT [86] (green), Nagoya bal-
loon [87] (blue), SMM [88] (purple), COMPTEL [89] (gray),
Fermi-LAT [90] (orange), and IceCube [5] for shower (black)
and upgoing muon track (blue shaded) events. A possible
contribution of reaccelerated pairs is indicated (thin solid).

AGNs. Results are shown in Fig. 3. Our RQ AGN core
model can explain the ENB at ∼ 30 TeV energies if the
CR pressure is ∼ 1% of the thermal pressure.
In the vicinity of SMBHs, high-energy neutrinos

are produced by both pp and pγ interactions. The
disk-corona model indicates τT ∼ 1 (see Table 1), which
leads to the effective pp optical depth fpp ≈ tesc/tpp ≈
np(κppσpp)R(c/Vfall) ∼ 2τT (αVK/4000 km s−1)

−1
. Note

that VK is a function ofM (and LX). X-ray photons from
coronae provide target photons for the photomeson pro-
duction, whose effective optical depth [8, 92] is fpγ [εp] ≈
tesc/tpγ ≈ ηpγ σ̂pγR(c/Vfall)nX(εp/ε̃pγ−X)ΓX−1 ∼
0.9LX,44R

−1
15 (αVK/4000 km s−1)

−1
(1 keV/εX)ηpγ(εp/ε̃pγ−X)ΓX−1,

where ηpγ ≈ 2/(1 + ΓX), σ̂pγ ∼ 0.7 × 10−28 cm2

is the attenuation cross section, ε̄∆ ∼ 0.3 GeV,
ε̃pγ−X = 0.5mpc2ε̄∆/εX % 0.14 PeV (εX/1 keV)−1,
and nX ∼ LX/(4πR2cεX) is used. The total meson
production optical depth is given by fmes = fpγ + fpp,
which always exceeds unity in our model.
Importantly, ∼ 10− 100 TeV neutrinos originate from

CRs with ∼ 0.2− 2 PeV. Different from previous studies
explaining the IceCube data [93, 94], disk photons are
irrelevant for the photomeson production because its
threshold energy is ε̃pγ−th % 3.4 PeV (εdisk/10 eV)−1.
However, CRs in the 0.1-1 PeV range should efficiently
interact with disk photons via the Bethe-Heitler pro-
cess because the characteristic energy is ε̃BH−disk =
0.5mpc2ε̄BH/εdisk % 0.47 PeV (εdisk/10 eV)−1, where
ε̄BH ∼ 10(2mec2) ∼ 10 MeV [95, 96]. Approximating the
number of disk photons by ndisk ∼ Lbol/(4πR2cεdisk),
the Bethe-Heitler effective optical depth [97] is
estimated to be fBH ≈ ndiskσ̂BHR(c/Vfall) ∼
20Lbol,45.3R

−1
15 (αVK/4000 km s−1)

−1
(10 eV/εdisk),
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TABLE II. Physical quantities of the RIAF in the nearby LLAGNs. The values of Lp and PCR/Pg are for models A/B/C.
Units are [cm] for R, [cm�3] for np, [G] for B, [MeV] for "�� , and [erg s�1] for Lp.

ID log ṁ logR log np logB log ⌧T ✓e log "�� logLp PCR/Pg

NGC [cm] [cm�3] [G] [MeV] [erg s�1] [%]
4565 -1.78 13.90 9.45 2.81 -0.83 1.09 2.78 41.23/41.05/41.74 10/6/37
3516 -1.55 14.54 9.04 2.61 -0.60 0.93 2.22 42.10/41.92/42.61 8/4/29
4258 -2.08 14.09 8.96 2.57 -1.13 1.39 3.50 41.11/40.94/41.63 12/8/44
3227 -1.62 13.90 9.61 2.89 -0.67 0.96 2.39 41.39/41.21/41.90 9/5/32
4138 -1.67 13.64 9.82 3.00 -0.72 0.99 2.51 41.08/40.90/41.59 9/6/34
3169 -2.13 14.63 8.37 2.27 -1.18 1.47 3.63 41.61/41.43/42.13 12/8/44
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3031 -2.89 14.29 7.95 2.06 -1.94 2.30 5.14 40.50/40.33/41.03 15/10/52
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TABLE III. Parameters in our models.

Common parameters
↵ � R bol/X ✏rad,sd
0.1 3.2 10 15 0.1

Model dependent parameters and quantities
Parameters ✏p ⇣ q sinj ⌘acc
Model A 3.0⇥10�3 7.5⇥10�3 1.666 - -
Model B 2.0⇥10�3 - - 1.0 1.0⇥ 106

Model C 0.010 - - 2.0 2.0⇥ 105

Ref. [105]):

Rcrit ' 35↵4/3
�1

ṁ
�2/3
�2

. (7)

As long as ṁ . ṁcrit with a fixed value of ↵ & 0.1,
the RIAF consists of collisionless plasma at R . 10RS .
Hence, one may naturally expect non-thermal particle
production there. On the other hand, another accretion
regime with a higher luminosity, such as the standard
disk [79] and the slim disk [141], are made up by colli-
sional plasma because the density and temperature there
are orders of magnitude higher and lower than that in
the RIAF, respectively. Therefore, particle acceleration
is not guaranteed due to the thermalization via Coulomb
collisions.

B. Stochastic acceleration model (A)

In the stochastic acceleration model, protons are ac-
celerated through scatterings with the MHD turbulence.
The proton spectrum is obtained by solving the di↵usion
equation in momentum space (e.g., Ref. [142, 143]):
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FIG. 2. Relationship between the observed X-ray luminos-
ity, LX,obs, and the X-ray luminosity obtained by the model
calculation, LX,calc. The green squares are LLAGNs with
ṁ > 10�3, while the blue circles are those with ṁ < 10�3.
The dotted line represents LX,obs = LX,calc, and cyan band
indicates LX,obs/1.7 < LX,calc < 1.7LX,obs, in which all the
green squares are located.

where Fp is the momentum distribution function
(dN/d"p = 4⇡p2Fp/c), D"p is the di↵usion coe�cient,
tcool is the cooling time, tesc is the escape time, and
Ḟp,inj is the injection term to the stochastic acceleration.
Considering resonant scatterings with Alfven waves, the
di↵usion coe�cient is represented as [144–146]
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• Equations for electromagnetic cascades 

 

V. CASCADE GAMMA-RAY EMISSION

Hadronuclear and photohadronic processes produce
very-high-energy (VHE) gamma rays through neutral pion
decay and high-energy electron/positron pairs through
charged pion decay and the Bethe-Heitler process. The
VHE gamma rays are absorbed by soft photons through the
γγ → eþe− process in the RIAF, and produce additional
high-energy electron/positron pairs. The high-energy eþe−

pairs also emit gamma-rays through synchrotron processes,
inverse Compton scattering, and bremsstrahlung, leading to
electromagnetic cascades. We calculate the cascade emis-
sion by solving the kinetic equations of photons and
electron/positron pairs (see Refs. [87,159,160]):

∂neεe
∂t þ ∂

∂εe ½ðPIC þ Psyn þ Pff þ PCouÞneεe %

¼ _nðγγÞεe −
neεe
tesc

þ _ninjεe ; ð31Þ

∂nγεγ
∂t ¼ −

nγεγ
tγγ

−
nγεγ
tesc

þ _nðICÞεγ þ _nðffÞεγ þ _nðsynÞεγ þ _ninjεγ ; ð32Þ

where niεi is the differential number density (i ¼ e or γ),

_nðxxÞεi is the particle source term from the process xx
[xx ¼ IC (inverse Compton scattering), γγ (γγ pair pro-
duction), syn (synchrotron), or ff (bremsstrahlung)], _Ninj

εi is
the injection term from the hadronic interaction, and Pyy is
the energy loss rate for the electrons from the process yy
[yy ¼ IC (inverse Compton scattering), syn (synchrotron),
ff (bremsstrahlung), or Cou (Coulomb collision)].1

Here, we approximately treat the injection terms of
photons and pairs from hadronic interactions. The injection
terms for photons and pairs consist of the sum of the
relevant processes: _ninjεγ ¼ _nðpγÞεγ þ _nðppÞεγ and _ninjεe ¼ _nðBHÞεe þ
_nðpγÞεe þ _nðppÞεe . We approximate the terms due to Bethe-
Heitler and pγ processes to be

ε2γ _n
ðpγÞ
εγ ≈

1

2
t−1pγ ε2pnεp ; ð33Þ

ε2e _n
ðpγÞ
εe ≈ ε2νn

ðpγÞ
εν ≈

1

8
t−1pγ ε2pnεp ; ð34Þ

ε2e _n
ðBHÞ
εe ≈ t−1BHε

2
pnεp ; ð35Þ

where εγ ≈ 0.1εp and εe ≈ 0.05εp for photomeson produc-
tion, and εe ≈ ðme=mpÞεp for the Bethe-Heitler process.
For the injection terms from pp interactions, see Ref. [160].

We plot proton-induced cascade gamma-ray spectra in
Fig. 3. A sufficiently developed cascade emission generates
a flat spectrum below the critical energy at which γγ
attenuation becomes ineffective. The optical depth to the
electron-positron pair production is estimated to be

τγγðεγÞ ≈ R
Z

KðxÞ
dnγ
dεγ

dεγ; ð36Þ

where εγ is the gamma-ray energy, KðxÞ ¼ 0.652σT ×
ðx − x−2Þ lnðxÞHðx − 1Þ, x ¼ εγεγ=ðmec2Þ, and HðxÞ is
the Heaviside step function [161]. We tabulate the values
of the critical energy, εγγ , at which τγγ ¼ 1 in Table II. We
can see flat spectra below the critical energy. Note that the
tabulated values are approximately calculated using a
fitting formula, while the cascade calculations are per-
formed with the exact cross section. We overplot the Fermi-
LAT sensitivity curve in the high galactic latitude region
with a 10-year exposure obtained from Ref. [126]. The
predicted fluxes are lower than the sensitivity curve for all
the cases. The Cherenkov Telescope Array (CTA) has a
better sensitivity above 30 GeV than LAT, but the cascade
gamma-ray flux is considerably suppressed in the VHE
range due to the γγ attenuation. For a lower- _m object that
has a higher value of εγγ, such as NGC 5866, the cascade
flux is too low to be detected by CTA. Therefore, it would
be challenging to detect the cascade gamma rays with
current and near-future instruments, except for Sgr A*.
SgrA*has two distinct emission phases: the quiescent and

flaring states (see Ref. [162] for a review). The x-ray
emission from the quiescent state of Sgr A* is spatially
extended to ∼1”, which corresponds to 105RS for a black
hole of 4 × 106 M⊙ [163]. Hence, our model is not appli-
cable to the quiescent state. On the other hand, the flaring
state of Sgr A* shows a 10–300 times higher flux than the
quiescent state with a time variability of ∼1 h [164]. This
variability time scale implies that the emission region should
be ≲102RS. However, the value of _m for the brightest flare
estimated by Eq. (3) is less than 10−4. Since our model is not
applicable to such a low-accretion-rate system (see Sec. II),
we avoid discussing it in detail. A detailed estimate should be
made in the future (see Ref. [165] for a related discussion).

VI. SUMMARY

We have investigated high-energy multimessenger
emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multimessenger detection pros-
pects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone model
is roughly consistent with the observed x-ray features,
such as an anticorrelation between the Eddington ratio
and the spectral index. RIAFs with _m≳ 0.01 emit
strong MeV gamma rays through Comptonization, which

1We calculate the cascade spectra using spherical coordinates,
while the other calculations are made in cylindrical coordinates.
The effect of geometry have little influence on our result.
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• Possible to explain IceCube data 
without overshooting γ-ray data


• CR acceleration is suppressed by  
BH process (p+γ—> p+e±) with UV 


• Both pp & pγ (with X-rays) contribute 
to resulting neutrino flux


• Cascade emission at 10 MeV 
—>Testable by MeV γ ray satellites
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• Stacking nearby Seyferts

• Future detectors should detect ν from AGN  
—> testable by future neutrino experiments 

TeV energies, the source benefits from a 100% visibility in
KM3NeT. Therefore, the likelihood for its observation is high,
and can exceed 3σ in 3 yr of operation for the stochastic
acceleration scenario with High CR pressure.

As the signal events from the rest of the sources in the list
fall short of yielding a statistical significance in 3 yr, we now
turn to the prospects for observation of neutrino emission in a
stacking analysis. We only consider the Modest CR pressure
scenario in stochastic acceleration since emission under either
of the other two scenarios should be identified by IceCube. In
addition to KM3NeT, we consider IceCube-Gen2 for the
stacking search in this scenario. Here, we assume that the
effective area for IceCube-Gen2 is ∼5 times larger than the
current IceCube detector.

We present the p-values expected for the Modest CR
pressure stochastic acceleration scenario for KM3NeT together
with the ones for IceCube-Gen2 in Figure 10. We project the
prospects for identification of neutrino emission from the bright
sources assuming an angular resolution of 0°.3 (solid) and 0°.7
(dashed) for each detector. We should note that our estimation
of the prospects for identifying Seyfert galaxies are quite
conservative, given that an angular resolution of 0°.3 or better is
not that far-fetched for KM3NeT. The expected improvements
in the angular reconstruction in IceCube-Gen2 will also make it
easier to identify these sources. In fact, our estimates indicate
that achieving finer angular resolutions at ∼10–30 TeV is
crucial for the identification of neutrino emission from these
sources especially in the Modest CR pressure case. We further
show the growth of significance for a given resolution in
Section 6.

5. Discussion

5.1. Aggregated Fluxes

Highly magnetized and turbulent coronae can be possible
sites of particle acceleration. The system is calorimetric in the
sense that sufficiently high-energy CRs are depleted via
hadronuclear and photohadronic interactions. The large
magnitude of the neutrino flux at 10–100 TeV makes
this scenario a primary candidate for the medium-energy
neutrino flux observed in IceCube at the level of E 2F ~n n
10 GeV cm s sr7 2 1 1- - - - (Murase et al. 2020). The diffuse flux
mainly originates from AGNs at high redshifts (with z∼ 1−2),
which are too far to detect as individual sources. The contri-
bution from local sources is small, but it is still of interest to
evaluate their aggregated flux.

Figure 11 shows the individual (thin lines) and sum (thick
line) of the neutrino fluxes from nearby, bright Seyfert galaxies
for different acceleration scenarios considered in this study. We
have divided the fluxes by 4π in order to compare with the total
neutrino flux from the 6 yr cascade analysis of IceCube
(Aartsen et al. 2020a). Overall, each scenario predicts the
contribution of the cataloged nearby sources to the total
neutrino flux at 10 TeV to be within 2%–10%.
The stochastic acceleration scenario with Modest CR

pressure would mainly contribute to the 10–100 TeV region.
However, the High CR pressure case would generate a
significant excess of the flux below 10 TeV. This region is
hard to investigate with the overwhelming flux of atmospheric
neutrinos, and detailed veto techniques are required to
distinguish the flux at TeV energies with good accuracy. The
magnetic reconnection scenario has the highest contribution to
the flux at 100 TeV. Distinguishing this scenario from the one
responsible for the flux above 100 TeV would be difficult
because of the scarcity of the data at high energies. While the

Table 4
Prospects for Observation of nearby Bright Seyfert Galaxies in One Year of KM3NeT Observations

p-value 1 yr (3 yr)
Source Visibility Stochastic (High CR Pressure) Stochastic (Modest CR Pressure) Magnetic Reconnection

Cen A 0.7 0.001 (9.3 × 10−8) 0.2 (0.07) 0.2 (0.05)
Circinus Galaxy 1.0 0.008 (1.9 × 10−5) 0.2 (0.09) 0.2 (0.07)
ESO 138-1 1 0.1 (0.02) 0.4 (0.3) 0.3 (0.08)
NGC 7582 0.7 0.2 (0.04) 0.4 (0.3) 0.4 (0.2)
NGC 1068 0.5 0.2 (0.05) 0.4 (0.4) 0.4 (0.2)
NGC 4945 0.8 0.5 (0.2) 0.5 (0.4) 0.5 (0.4)
NGC 424 0.7 0.4 (0.2) 0.5 (0.4) 0.5 (0.4)
UGC 11910 0.5 0.4 (0.4) 0.5 (0.5) 0.5 (0.5)
CGCG 164-019 0.4 0.4 (0.3) 0.5 (0.5) 0.5 (0.5)
NGC 1275 0.3 0.4 (0.4) 0.5 (0.5) 0.5 (0.5)

Figure 10. Prospects for observation of the bright Seyfert galaxies in the next-
generation neutrino telescopes: KM3NeT and IceCube-Gen2. The solid
(dashed) lines show expectations for 0°. 3 (0°. 7) angular resolution for the
Modest CR pressure scenario. The thick lines show the prospects for
identification of the 10 nearby bright sources in Table 2 in a stacking analysis.
The thin lines show the prospects for identification of the sources in the
absence of a signal from the disk-corona model for Cen A and NGC 1275.

11

The Astrophysical Journal, 922:45 (17pp), 2021 November 20 Kheirandish, Murase, & Kimura

• Our model predicts    
—>  list up bright ν-source candidates

Lν ∝ LX

TeV energies, the source benefits from a 100% visibility in
KM3NeT. Therefore, the likelihood for its observation is high,
and can exceed 3σ in 3 yr of operation for the stochastic
acceleration scenario with High CR pressure.

As the signal events from the rest of the sources in the list
fall short of yielding a statistical significance in 3 yr, we now
turn to the prospects for observation of neutrino emission in a
stacking analysis. We only consider the Modest CR pressure
scenario in stochastic acceleration since emission under either
of the other two scenarios should be identified by IceCube. In
addition to KM3NeT, we consider IceCube-Gen2 for the
stacking search in this scenario. Here, we assume that the
effective area for IceCube-Gen2 is ∼5 times larger than the
current IceCube detector.

We present the p-values expected for the Modest CR
pressure stochastic acceleration scenario for KM3NeT together
with the ones for IceCube-Gen2 in Figure 10. We project the
prospects for identification of neutrino emission from the bright
sources assuming an angular resolution of 0°.3 (solid) and 0°.7
(dashed) for each detector. We should note that our estimation
of the prospects for identifying Seyfert galaxies are quite
conservative, given that an angular resolution of 0°.3 or better is
not that far-fetched for KM3NeT. The expected improvements
in the angular reconstruction in IceCube-Gen2 will also make it
easier to identify these sources. In fact, our estimates indicate
that achieving finer angular resolutions at ∼10–30 TeV is
crucial for the identification of neutrino emission from these
sources especially in the Modest CR pressure case. We further
show the growth of significance for a given resolution in
Section 6.

5. Discussion

5.1. Aggregated Fluxes

Highly magnetized and turbulent coronae can be possible
sites of particle acceleration. The system is calorimetric in the
sense that sufficiently high-energy CRs are depleted via
hadronuclear and photohadronic interactions. The large
magnitude of the neutrino flux at 10–100 TeV makes
this scenario a primary candidate for the medium-energy
neutrino flux observed in IceCube at the level of E 2F ~n n
10 GeV cm s sr7 2 1 1- - - - (Murase et al. 2020). The diffuse flux
mainly originates from AGNs at high redshifts (with z∼ 1−2),
which are too far to detect as individual sources. The contri-
bution from local sources is small, but it is still of interest to
evaluate their aggregated flux.

Figure 11 shows the individual (thin lines) and sum (thick
line) of the neutrino fluxes from nearby, bright Seyfert galaxies
for different acceleration scenarios considered in this study. We
have divided the fluxes by 4π in order to compare with the total
neutrino flux from the 6 yr cascade analysis of IceCube
(Aartsen et al. 2020a). Overall, each scenario predicts the
contribution of the cataloged nearby sources to the total
neutrino flux at 10 TeV to be within 2%–10%.
The stochastic acceleration scenario with Modest CR

pressure would mainly contribute to the 10–100 TeV region.
However, the High CR pressure case would generate a
significant excess of the flux below 10 TeV. This region is
hard to investigate with the overwhelming flux of atmospheric
neutrinos, and detailed veto techniques are required to
distinguish the flux at TeV energies with good accuracy. The
magnetic reconnection scenario has the highest contribution to
the flux at 100 TeV. Distinguishing this scenario from the one
responsible for the flux above 100 TeV would be difficult
because of the scarcity of the data at high energies. While the

Table 4
Prospects for Observation of nearby Bright Seyfert Galaxies in One Year of KM3NeT Observations

p-value 1 yr (3 yr)
Source Visibility Stochastic (High CR Pressure) Stochastic (Modest CR Pressure) Magnetic Reconnection

Cen A 0.7 0.001 (9.3 × 10−8) 0.2 (0.07) 0.2 (0.05)
Circinus Galaxy 1.0 0.008 (1.9 × 10−5) 0.2 (0.09) 0.2 (0.07)
ESO 138-1 1 0.1 (0.02) 0.4 (0.3) 0.3 (0.08)
NGC 7582 0.7 0.2 (0.04) 0.4 (0.3) 0.4 (0.2)
NGC 1068 0.5 0.2 (0.05) 0.4 (0.4) 0.4 (0.2)
NGC 4945 0.8 0.5 (0.2) 0.5 (0.4) 0.5 (0.4)
NGC 424 0.7 0.4 (0.2) 0.5 (0.4) 0.5 (0.4)
UGC 11910 0.5 0.4 (0.4) 0.5 (0.5) 0.5 (0.5)
CGCG 164-019 0.4 0.4 (0.3) 0.5 (0.5) 0.5 (0.5)
NGC 1275 0.3 0.4 (0.4) 0.5 (0.5) 0.5 (0.5)

Figure 10. Prospects for observation of the bright Seyfert galaxies in the next-
generation neutrino telescopes: KM3NeT and IceCube-Gen2. The solid
(dashed) lines show expectations for 0°. 3 (0°. 7) angular resolution for the
Modest CR pressure scenario. The thick lines show the prospects for
identification of the 10 nearby bright sources in Table 2 in a stacking analysis.
The thin lines show the prospects for identification of the sources in the
absence of a signal from the disk-corona model for Cen A and NGC 1275.
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First, we model neutrino production assuming the stochastic
acceleration scenario. As mentioned earlier, in this scenario,
the neutrino spectrum has a more complicated shape than a
single power law. Accommodating the IceCube flux at TeV
energies requires a relatively high normalization, while the
spectrum has to cut off fast enough that the spectrum drops
around 100 TeV. Such conditions would result in a high level
of CR pressure in the corona model.

In order to maintain realistic scenarios, we restrict ourselves
to the range of parameters for which the ratio of the CR
pressure (PCR) to the thermal pressure (Pth) is bound to less
than 0.5. In this limit, the nonthermal energy is equal to half of
the gravitational binding energy at the coronal radius without
leaving room for thermal particles. Although the coronal
plasma may be heated more through magnetic fields connected
to the inner disk, we assume 0.5 as the maximal case in this
work, and the neutrino spectrum peaks at ∼5 TeV and falls
sharply around 20 TeV. We refer to this scenario as “High CR
pressure.”

We consider the second scenario for neutrino emission from
NGC 1068 assuming coronal emission from stochastically
accelerated particles, where instead of matching the flux at
TeVs, we match the diffuse neutrino flux at tens of TeV,
motivated by the medium-energy excess in the neutrino
spectrum. In this case, as shown previously (Murase et al.
2020), we adopt parameters that can explain the high-energy
neutrino flux excess observed at medium energies (Aartsen
et al. 2020a). In this case, PCR/Pth is set to ;0.01. Here, the
neutrino spectrum peaks at ∼40 TeV, which corresponds to a
lower level of neutrino flux compared to the previous scenario.
We refer to this case as “Modest CR pressure” hereafter.

These results are compatible with the spectra presented
previously by Murase et al. (2020) where the CR pressure
considered to explain the medium-energy neutrino flux and
NGC 1068 are found at the level of ∼1% and ∼30% of the
thermal pressure, respectively. Here, we allow the pressure
ratio to be as high as 50% to explain the soft spectrum reported
for NGC 1068 by the IceCube Collaboration (Aartsen et al.
2020b). Note that, in principle, both the High CR pressure and
Modest CR pressure cases can be viable within the same
stochastic acceleration scenario. For example, Modest CR
pressure may be realized in an average AGN, whereas some
sources such as NGC 1068 may have a large CR pressure.

Finally, we consider the magnetic reconnection scenario for
particle acceleration. In this case, the neutrino flux approxi-
mately follows mainly the initial CR spectrum until the pγ
process becomes the dominant channel for the production of
pions. Therefore, this scenario leads to the spectrum having a
shape close to that of a power-law spectrum with a cutoff at
high energies. For the injected CR spectrum, we assume a
spectral index of 2. The normalization and CR maximum
energy are set such that the modeled flux is constrained to the
IceCube steep spectrum reported for NGC 1068 while PCR/Pth
is bound to be smaller than 0.5. We find E 5 PeVp

rec » for this
purpose. Smaller values of Ep

rec cannot accommodate the
IceCube flux without violating the CR to thermal pressure
maximum band. Larger values, however, would create an
excess at high energies that is disfavored by the steep spectra
reported for NGC 1068. As described in Section 2, we set
ηacc= 300 for magnetic reconnection acceleration. For NGC
1068, Ep

cool is too high to match the IceCube data.

Figure 1 shows the three modeled neutrino fluxes from NGC
1068. We also projected the best-fit spectrum reported by the
IceCube Collaboration. The best-fit power-law spectrum
corresponds to the ∼51 excess neutrinos found from the
direction of NGC 1068. The shaded area shows the uncertainty
on the fitted spectrum as reported by IceCube. As shown, all
modeled neutrino spectra are within the 68% uncertainty of the
measured spectrum. The parameters that we adapt in each
scenario for particle acceleration and interaction efficiency are
presented in Table 1. The common parameters among different
scenarios are the same as in Murase et al. (2020). The injected
CR, i.e., proton, differential luminosity for the three scenarios
shown in Figure 1 is presented in the Appendix (see Figure 14).
We should note that a single power-law spectrum is not a

realistic spectral energy distribution for neutrino emission from
individual astrophysical objects. While neutrino and γ-ray
spectra may, in general, reflect the initial CR spectrum, the
shape of neutrino and γ-ray fluxes depends on the nature of the
interaction, thresholds, and the opacity of the source. The
neutrino spectra provided in this study take all of these into
account. That said, the diffuse flux of high-energy neutrinos (or
γ-rays) over a specific range of energies may be explained by a
power law since the superposition of the individual sources
would wash out the features.
We use the modeled neutrino spectra for NGC 1068 to

compare with the findings of the IceCube 10 yr point-source
study. In addition, we investigate the prospects for identifica-
tion of each neutrino emission scenario in the next decade of
IceCube operation.
In order to find the p-value for the observation of neutrinos

from NGC 1068 over the background of atmospheric neutrinos,
we calculate the number of signal neutrinos using the publicly
available effective area for the IceCube point-source selection
(Aartsen et al. 2017). We also estimate the expected number of
background atmospheric neutrinos using the zenith-dependent

Figure 1. Modeled neutrino spectrum for NGC 1068 compared to the best-fit
flux (yellow band) reported by the IceCube Collaboration 10 yr point-source
study (Aartsen et al. 2020b). The red line shows the expected flux in the
stochastic acceleration scenario matching IceCube’s best fit at TeVs. The
purple line depicts the flux that would give the medium-energy neutrino flux,
compatible with the total neutrino flux reported in the cascade analysis (Aartsen
et al. 2020a). The blue line presents the flux expected for the magnetic
reconnection scenario.
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TABLE II. Resulting physical quantities for various values of X-ray luminosity. The last two column shows the values for
models A/B/C

logLX,obs logLX,calc log ṁ logNp B ⌧T ⇥e logE�� logLp PCR/Pthrml

[erg s�1] [erg s�1] [cm�3] [G] [MeV] [erg s�1] [%]
38.78 38.29 -3.33 7.33 56.24 -2.38 2.75 5.58 40.24/40.07/40.8 15.8/10.7/56.1
39.68 39.73 -2.88 7.78 94.73 -1.93 2.32 5.16 40.70/40.52/41.2 15.3/10.2/51.6
40.59 40.83 -2.43 8.23 159.56 -1.48 1.79 4.04 41.15/40.97/41.7 13.9/9.3/48.4
41.50 41.64 -1.98 8.68 268.77 -1.02 1.30 3.25 41.60/41.43/42.1 11.3/7.2/41.1
42.40 42.47 -1.52 9.14 452.72 -0.57 0.91 2.14 42.05/41.88/42.6 7.7/4.1/28.6

tacc = "
2

p/D"p , is longer than tfall for "p > 1.5⇥ 104 GeV
for ṁ ⇠ 10�2 and for "p > 5.1⇥ 103 GeV for ṁ ⇠ 10�3,
the cuto↵ energy in the proton spectrum appears at a
much higher energy due to its hard spectral index and
gradual cuto↵ [cf., 26, 61]. For models B and C, the
resulting proton luminosity is almost identical to the in-
jection spectrum, because the infall dominates over the
other loss processes in all the energy range.

The pp inelastic collisions and photomeson interactions
produce pions which decay to neutrinos. We calculate the
neutrino spectrum from pp collisions using the formalism
given by Ref. [62]. For the neutrinos by p� interac-
tion, we use a semi-analytic prescription given in Ref.
[59, 63]. Owing to the moderate magnetic field strength
and plasma density, we can ignore the e↵ect of meson
cooling, as long as we focus on sub-PeV neutrinos. Then,
the neutrino flavor ratio is (⌫e, ⌫µ, ⌫⌧ ) = (1, 2, 0) at
the source and (1, 1, 1) on Earth, due to the neutrino os-
cillation during propagation. The hadronic interactions
also produce gamma rays and electron/positron pairs,
which initiate electromagnetic cascades. We calculate
the cascade emission by solving the kinetic equations of
electron/positron pairs and photons. We approximately
treat the pair injection processes by Bethe-heitler pro-
cess and photomeson production. See the accompanying
paper and Refs. [64, 65] for details.

The resulting neutrino and gamma-ray spectra are
shown in Figure 1. For the higher accretion rate case,
the pp and p� interactions produce comparable amounts
of neutrinos at "⌫ >⇠ 1014 eV. The cascade photons show
a flat spectrum below ⇠ 109 eV, often seen in well-
developed cascades [66]. On the other hand, in the lower
accretion rate case, the neutrinos are predominantly pro-
duced by pp collisions. The cascade spectrum depends on
the models; Models A and B show a high-energy cuto↵
around 109 eV, while the spectrum extends up to 1011 eV
for model C. The normalization of the cascade emission
is the highest in model C due to its higher cosmic-ray
luminosity (see Table II).

Di↵use Intensities.— The di↵use neutrino and
gamma-ray intensities are calculated as (e.g., Refs. [18,

26, 67])

�i =
c

4⇡H0

Z
dzp

(1 + z)3⌦m + ⌦⇤

Z
dLH↵⇢H↵

L"i

"i
e
�⌧i,IGM ,

(3)
where ⇢H↵ is the H↵ luminosity function, ⌧i,IGM is
the optical depth in intergalactic medium, and we use
H0 ⇠ 70 km s�1 Mpc�1, ⌦M ⇠ 0.3, and ⌦⇤ ⇠ 0.7.
H↵ luminosity function is given by Ref. [68]: ⇢H↵ ⇡
(⇢⇤/L⇤)/[(LH↵/L⇤)s1 + (LH↵/L⇤)s2 ], where ⇢⇤ ' 4.11 ⇥
10�5 Mpc�3, L⇤ = 3.26 ⇥ 1041 erg s�1, s1 = 2.78,
and s2 = 1.88. We extrapolate this luminosity func-
tion to Lmin = 1038 erg s�1, below which the Palo-
mar survey finds a hint of a flattening [69]. The sur-
vey also indicates a correlation between LX and LH↵ for
LLAGNs: LX ⇡ 5 � 7LH↵ [69]. We use a correction
factor X/H↵ = LX/LH↵ = 6.0. Then, the luminosity
integration is performed in the range of 1038 erg s�1 
LH↵  ⌘radṁLEdd/(X/H↵bol/X) ' 4.2 ⇥ 1041 erg s�1.
Since dimmer AGNs tend to have weaker redshift evolu-
tion [70–72], we assume no redshift evolution of the lu-
minosity function. The mass of SMBHs in local Seyfert
galaxies does not show any correlation with X-ray lu-
minosity and H↵ luminosity [73]. Ref. [74] provides a
sample of LLAGNs, and the average and median values
of log(MBH/M�) are 8.0 and 8.1, respectively. Also, the
local SMBH mass functions in the previous studies show
that the energy budget is dominated by the black holes
of M ⇠ 108�3⇥108 M� if the Eddington ratio function
is independent of the SMBH mass [48, 71, 75]. Hence,
we use MBH = 108 M� as a reference value. We use
⌧⌫,IGM = 0 and the values in Ref. [76] for ⌧�,IGM.
Figure 2 shows the resulting gamma-ray and neutrino

intensities. Our model can reproduce the soft gamma-
ray and neutrino data simultaneously. The soft gamma
rays are produced by the thermal electrons, while non-
thermal protons produce the high-energy neutrinos. We
tabulate the required amount of cosmic-ray luminosity
and pressure ratio of cosmic rays and thermal protons
in Table II. The pressure ratio is moderate, ⇠ 0.1, in
models A and B, while model C requires a higher value,
⇠ 0.5, which is challenging to achieve through stochastic
acceleration.
The GeV flux is considerably attenuated in the RIAF

and consistent with the Fermi data, demonstrating that

• QSO: X-ray & 10 TeV neutrinos

• LLAGN: MeV γ & PeV neutrinos

• Copious photons 

→ efficient γγ —> e+e-   
→ strong GeV γ attenuation  
→ GeV flux below the Fermi data


• AGN cores can account for  
keV-MeV γ & TeV-PeV ν background

γ by thermal e

ν by non-thermal p

γ by EM cascades

Coronae

RIAFs

Coronae
RIAFs

SSK+ 2021

See also Murase, SSK+ 2020 PRL; SSK+ 2019, PRD; SSK+ 2015

distributions (SEDs) are constructed from the data and from
empirical relations, and then we compute neutrino and
cascade gamma-ray spectra by consistently solving particle
transport equations. We demonstrate the importance of
future MeV gamma-ray observations for revealing the
origin of IceCube neutrinos especially in the medium-
energy (∼10–100 TeV) range and for testing neutrino
emission from NGC 1068 and other AGN.
We use a notation with Qx ¼ Q × 10x in CGS units.
Phenomenological prescription of AGN disk coronae.—

We begin by providing a phenomenological disk-corona
model based on the existing data. Multiwavelength SEDs
of Seyfert galaxies have been extensively studied, consist-
ing of several components; radio emission (see Ref. [60]),
infrared emission from a dust torus [61], optical and
ultraviolet components from an accretion disk [62], and
x rays from a corona [33]. The latter two components are
relevant for this work.
The “blue” bump, which has been seen in many AGN, is

attributed to multitemperature blackbody emission from a
geometrically thin, optically thick disk [63]. The averaged
SEDs are provided in Ref. [64] as a function of the
Eddington ratio, λEdd ¼ Lbol=LEdd, where Lbol and LEdd ≈
1.26 × 1045 erg s−1ðM=107 M⊙Þ are bolometric and
Eddington luminosities, respectively, and M is the
SMBH mass. The disk component is expected to have a
cutoff in the ultraviolet range. Hot thermal electrons in a
corona, with an electron temperature of Te ∼ 109 K,
energize the disk photons by Compton upscattering. The
consequent x-ray spectrum can be described by a power
law with an exponential cutoff, in which the photon index
(ΓX) and the cutoff energy (εX;cut) can also be estimated
from λEdd [31,65]. Observations have revealed the relation-
ship between the x-ray luminosity LX and Lbol [66] [where
one typically sees LX ∼ ð0.01 − 0.1ÞLbol], by which the
disk-corona SEDs can be modeled as a function of LX and
M. In this work, we consider contributions from AGN with
the typical SMBH mass for a given LX, using M ≈ 2.0 ×
107 M⊙ðLX=1.16 × 1043 erg s−1Þ0.746 [67]. The resulting
disk-corona SED templates in our model are shown in

Fig. 2 (see Supplemental Material [68] for details), which
enables us to quantitatively evaluate CR, neutrino and
cascade gamma-ray emission.
Next we estimate the nucleon density np and coronal

magnetic field strength B. Let us consider a corona with
the radius R≡RRS and the scale height H, where R is
the normalized coronal radius and RS ¼ 2GM=c2 is the
Schwarzschild radius. Then the nucleon density is
expressed by np ≈ τT=ðσTHÞ, where τT is the Thomson
optical depth that is typically ∼0.1–1. The standard
accretion theory [69,70] gives the coronal scale height
H≈ðCs=VKÞRRS¼RRS=

ffiffiffi
3

p
, whereCs ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
kBTp=mp

p
¼

c=
ffiffiffiffiffiffiffi
6R

p
is the sound velocity, and VK ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GM=R

p
¼

c=
ffiffiffiffiffiffiffi
2R

p
is the Keplerian velocity. For an optically thin

corona, the electron temperature is estimated by
Te ≈ εX;cut=ð2kBÞ, and τT is empirically determined from
ΓX and kBTe [31]. We expect that thermal protons are at
the virial temperature Tp ¼ GMmp=ð3RRSkBÞ ¼ mpc2=
ð6RkBÞ, implying that the corona may be characterized by
two temperatures, i.e.,Tp > Te [71,72]. Finally, themagnetic
field is given by B ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πnpkBTp=β

p
with plasma beta (β).

Many physical quantities (including the SEDs) can be
estimated observationally and empirically. Thus, for a given
LX, parameters characterizing the corona (R, β, α) are
remaining. They are also constrained in a certain range by
observations [73,74] and numerical simulations [45,47].
For example, recent MHD simulations show that β in the
coronae can be as low as 0.1–10 (e.g., Refs. [41,46]). We
assume β ≲ 1–3 and α ¼ 0.1 for the viscosity parameter
[63], and adopt R ¼ 30.
Stochastic proton acceleration in coronae.—Standard

AGN coronae are magnetized and turbulent, in which it is
natural that protons are stochastically accelerated via
plasma turbulence or magnetic reconnections. In this work,
we solve the known Fokker-Planck equation that can
describe the second order Fermi acceleration process

FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by plasma turbulence generated in the
coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

FIG. 2. Disk-corona SEDs used in this work, for LX ¼ 1042,
1043, 1044, 1045, and 1046 erg s−1 (from bottom to top). See text
for details.
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where ε is the particle energy. Such a power-law distribution is
expected if CRs are produced by first-order Fermi mechanisms,
such as the diffusive shock acceleration (Bell 1978; Blandford &
Ostriker 1978). However, it is unclear whether such a single
power-law distribution is achieved, because the accretion flows are
unlikely to have a strong shock. Although shocked accretion flows
may be formed in hot accretion flows (e.g. Le & Becker 2005;
Becker, Das & Le 2008), we do not observe such structures in
the multidimensional global hydrodynamic simulations (Yuan &
Narayan 2014). In the accretion flows without shocks, CRs are
expected to be produced by magnetic reconnection (e.g. Hoshino
2012) and/or stochastic acceleration by turbulence (e.g. Lynn et al.
2014). Inside accretion flows, magnetorotational instability (MRI)
generates strong turbulence and induces magnetic reconnection
(e.g. Balbus & Hawley 1991, 1998; Sano & Inutsuka 2001).
Recent Particle-In-Cell (PIC) simulations show that when MRI
takes place in collisionless plasma, magnetic reconnection produces
non-thermal particles (Riquelme et al. 2012; Hoshino 2013, 2015;
Kunz, Stone & Quataert 2016). These non-thermal particles can
further be accelerated stochastically through interactions with larger
scale eddies. However, current PIC simulations cannot track such
a late-time phase because of the computational limitation, although
recent developments of computational resources and techniques
partially enable us to simulate particle acceleration in turbulence
(Comisso & Sironi 2018; Zhdankin et al. 2018). The stochastic
particle acceleration by magnetohydrodynamic (MHD) turbulence
is often modeled as a diffusion phenomenon in energy space (e.g.
Blandford & Eichler 1987), which has been applied to various
astrophysical objects such as galaxy clusters (e.g. Blasi 2000;
Brunetti & Lazarian 2007; Fujita, Akamatsu & Kimura 2016),
gamma-ray bursts (e.g. Asano & Terasawa 2009; Murase et al.
2012a), radio-lobes of radio galaxies (e.g. Hardcastle et al. 2009;
O’Sullivan, Reville & Taylor 2009), and blazars (e.g. Katarzyński
et al. 2006; Asano et al. 2014). Engaging this stochastic acceleration
model to the hot accretion flow at the Galactic center, we can
explain flares of Sgr A∗ (Liu, Petrosian & Melia 2004), TeV gamma-
rays from the Galactic Center (Liu et al. 2006; Fujita, Kimura &
Murase 2015), and perhaps PeV CRs observed at the Earth (Fujita,
Murase & Kimura 2017). In addition, Kimura et al. (2015) showed
that using the acceleration model, hot accretion flows in LLAGNs
can reproduce the high-energy neutrinos detected by IceCube. Note
that the model leads to a very hard spectrum, −1 ≤ s ≤ 0, compared
to the shock acceleration.

In the stochastic acceleration model, the diffusion coefficient in
energy space is approximated by a power-law function of energy, Dε

≈ D0(ε/ε0)q. The values of q and D0 depend on the power spectrum
of the MHD turbulence and interaction processes between CRs
and MHD waves (e.g. Cho & Lazarian 2006). For example, gyro
resonant scattering by Alfven modes makes the value of q equal
to the slope of the power spectrum of the turbulence (e.g. Dermer,
Miller & Li 1996; Becker, Le & Dermer 2006; Stawarz & Petrosian
2008). The turbulent strength, (δB/B0)2, is related to D0, and analytic
theories used in the works above assume that the turbulent strength is
smaller than unity. However, this condition is likely to be violated in
weakly magnetized accretion flows according to MHD simulations
(e.g. Stone & Pringle 2001; McKinney 2006; Suzuki, Takahashi &
Kudoh 2014). Applicability of the analytic models to the strong
turbulence has been investigated using test particle simulations, but
it is still controversial. The turbulence is usually provided by a
superposition of plane waves in the Fourier space (e.g. O’Sullivan
et al. 2009; Fatuzzo & Melia 2014; Teraki, Ito & Nagataki 2015),
or driven by some algorithms (e.g. Dmitruk et al. 2003; Lynn et al.

2014; Teaca et al. 2014). These studies are useful to investigate
features of the stochastic acceleration owing to their controllablity
of the turbulence. However, each astronomical object has a different
driving mechanism of turbulence, which may lead to a different
behaviour of the CR particles (see Roh, Inutsuka & Inoue 2016 for
supernova remnants and Porth et al. 2016 for pulsar wind nebulae).

Kimura et al. (2016) performed test-particle simulations in the
MRI turbulence, using the shearing box approximation (Hawley,
Gammie & Balbus 1995). However, the shearing box approxi-
mation has a few inconsistencies with the hot accretion flows,
such as geometrical thickness and non-negligible advection cooling
(Narayan & Yi 1994). More importantly, escape of CRs cannot be
implemented in a realistic manner. In this paper, we present results of
global simulations, which enables us to investigate behaviours of the
high-energy CRs more consistently. We perform MHD simulations
to model hot and turbulent accretion flows, and solve orbits of test
particles using the snapshot data of the MHD simulations. This
paper is organized as follows. First, we describe the global MHD
simulations dedicated to the hot accretion flows in Section 2. Then,
we show the results of the test-particle simulations in Section 3.
We discuss implications and future directions in Section 4 and
summarize our results in Section 5.

2 PRO P E RT I E S O F TH E M R I TU R BU L E N C E

2.1 Set-up for MHD simulations

We use the Athena++ code1 to solve the set of the ideal MHD
equations (Stone et al. 2008, in preparation):

∂ρ

∂T
+ ∇ · (ρV ) = 0, (1)

∂(ρV )
∂T

+ ∇ ·
(

ρV V − B B
4π

+ P ∗I
)

= −ρ∇&, (2)

∂Etot

∂T
+ ∇ ·

[(
Etot + P ∗) V − B · V

4π
B
]

= −ρV · ∇&, (3)

∂ B
∂T

− ∇ × (V × B) = 0, (4)

where T is the time for the MHD calculations, ρ is the density, V
is the velocity of the MHD fluid, B is the magnetic field, P∗ = P
+ B2/(8π ) is the total pressure, P is the gas pressure, I is the unit
tensor, and & is the gravitational potential. The total energy of the
fluid is written as

Etot = Eth + 1
2
ρV 2 + B2

8π
, (5)

and we use the equation of state for ideal gas, P = (γ s − 1)Eth

(γ s = 5/3 is the specific heat ratio and Eth is the thermal energy).
We solve the MHD equations in the spherical polar coordinate,
(R, θ , φ), using the second-order van Leer integrator, the second-
order piecewise linear reconstruction, the Harten–Lax–van Leer
Discontinuities (HLLD) approximate Riemann solver (Miyoshi &
Kusano 2005), and the constrained transport scheme. We use the
Newtonian gravitational potential, & = −GM/R, where G is the
gravitational constant and M is the mass of the central black hole
(BH). With this potential, we do not have to specify the values of the

1https://princetonuniversity.github.io/athena/
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field in Fig. 5. We can see that all the data sets have similar values for
a larger scale of m ! 10. The spectra for Br and Bθ are mPm ∝ m,
while those for Bφ are roughly mPm ∝ m1/2. For a smaller scale of
m " Nφ /10, the spectra decrease with m very rapidly for all the data
sets because of the numerical dissipation. The power spectra peak
at intermediate scale of m ∼ 10 − 20, depending on the resolution
and component. These features are consistent with the previous
calculations (Sorathia et al. 2012; Suzuki & Inutsuka 2014).

The fastest growing mode of the MRI is approximated to be LMRI

∼ 2πVA/$, where $ is the angular velocity. Saturation of MRI
turbulence is expected to be controlled either by the large-scale
magnetic reconnection (Sano & Inutsuka 2001; Sano et al. 2004)
or by the growth of the parasitic instabilities of Kelvin–Helmholtz
modes (Goodman & Xu 1994; Pessah 2010). These phenomena
occur inside the disc, where the largest scale is the scale height,
H ≈ Cs/$. Hence, the characteristic scale of the saturated MRI
turbulence should be the smaller one of the two, Ltur ≈ min(LMRI,
H). From Fig. 2, we roughly see VA ∼ Vφ,bulk/7 and Cs ∼ Vφ,bulk/2,
leading to LMRI ≈ 2πR/7 > H ≈ R/2. Hence, Ltur = H ≈ R/2. This
scale corresponds to m ∼ 13, which is consistent with the peaks of
the power spectra.

For the intermediate scale, we narrowly see that the spectra
gradually decrease with m. Theoretically, fully developed Alfven
turbulence results in Pk ∝ k

−5/3
⊥ and Pk ∝ k−2

‖ , where Pk is the
power spectrum, k⊥ and k! are the perpendicular and parallel wave
numbers to the background magnetic field, respectively (Goldre-
ich & Sridhar 1995). Such an anisotropic cascade takes place with
respect to the local magnetic field. In strong turbulence where the
large-scale magnetic field is significantly tilted, the direction of the
local magnetic field is not aligned. Then, the global Fourier analysis
would smear out the local anisotropy, resulting in Pk ∝ k−5/3 in all
the directions (Cho & Vishniac 2000). However, we cannot clearly
see the power-law shape in the power spectra of our simulations,
due to the insufficient dynamic range. Simulations with a higher
resolution and a higher-order reconstruction scheme are necessary
to determine the power-law index in the inertial range. To observe
the anisotropic feature, even more dedicated analyses reconstructing
coordinates based on the local magnetic field will also be required.
Note that the shape of these power spectra is independent of the
integration range of R, because the turbulence is generated by the
same mechanism at all the radii.

3 B E H AV I O U R S O F H I G H - E N E R G Y
PA RT I C L E S

3.1 Set-up for particle simulations

We calculate orbits of relativistic particles to investigate behaviour
of high-energy particles in the accretion flows. We ignore CR
injection mechanisms because they are related to small-scale plasma
processes. They should be investigated by other methods, such as
PIC simulations (Hoshino 2015; Kunz et al. 2016), which is beyond
the scope of this paper.

We solve the relativistic equation of motion for each CR particle:

d p
dt

= e
(

E + v × B
c

)
, (15)

where t is the time for particle calculation, c is the speed of light,
and p = γmpv, v, e, mp, and γ =

√
1 − (v/c)2 are the momentum,

velocity, charge, mass, and Lorentz factor of the CR particle,
respectively. Here, we neglect the gravity acting on the CR particle,

since it is typically weaker than the electromagnetic force by more
than 10 orders of magnitude. This equation is integrated using the
Boris method (e.g. Birdsall & Langdon 1991), which is often used
in PIC simulations. In the particle simulations, we use mp and e for
protons, but we can scale our simulation results to the heavy nuclei
using the rigidity R = ε/Z.

The snapshot data of the MHD simulations shown in Section 2.2
are used to obtain E and B. Since the MHD data contain the values
of V and B only at the discrete grid points, we first interpolate B and
V at the position of the particle using quadratic functions.3 Then,
we compute E through equation (10), using the interpolated B and
V . This procedure guarantees E · B = 0, so artificial acceleration
due to the interpolation is avoided. We initially distribute particles
on a ring of R = Rini and θ = π /2. The energy distribution of the
initial particles is monoenergetic and isotropic in the fluid frame
(see Section 3.2 for the definition of the fluid frame). The initial
radius is fixed at Rini = 0.3Rc for simplicity. We performed the
simulations with Rini = 0.2Rc, and checked that the results are
almost unchanged. The initial energy of the particle, εini, is given
so that the Larmor radius of the particle is equal to λini times the
grid scale: rL = εini/(ecBave) = λini)xini, where )xini = min()Rini,
Rini)θ , Rini)φ) is the grid scale at the initial ring. The time-step of
the particle calculation is determined by )t = min()tL, )tx), where
)tL = CsafetL,min = 2πCsafeεini/(ecBmax) and )tx = Csafe)xmin/c.
Here, Bmax is the maximum value of the magnetic field, )xmin is
the minimum length between the grids in the computational region,
and Csafe represents the safety factor that determines the time-step.
We set Csafe = 0.01. We performed some simulations with Csafe =
0.001, and confirmed that the results are unchanged by the values
of Csafe. As a fiducial value, we set λini = 4. With a smaller value
of λini, we cannot trace the resonant scattering process, while the
particles escape from the computational region too quickly with a
higher value of λini.

The computational region for the particle simulations is the same
with the MHD simulations except for the outer boundary in the
R direction. Since the dynamical structures of the outer parts of
the MHD simulations are affected by the initial conditions, we set
the outer boundary of the particle simulations to Resc = 0.6Rc. The
particles that go beyond the computational region are removed from
the simulation, and we stop the calculation when half of the particles
escape from the computational region.

We solve the equations of motion for Np = 214 = 16 384 particles,
using the MHD data sets shown in the previous section. To solve
the equation of motion, we need to convert the units used in the
MHD calculations to those of our interest. The units of the mass,
length, and time for the MHD calculations are written as Lu = Rc,
Mu = ρcR

3
c , and Tu =

√
R3

c /(GM), respectively. For our particle
simulations, we rescale these units as

Lu = χRs, (16)

Tu =

√
L3

u

GM
, (17)

Mu = ηṀEddTu, (18)

3Although we use the quadratic functions for the interpolation, the results
are very similar if we use the linear interpolation.
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where ε is the particle energy. Such a power-law distribution is
expected if CRs are produced by first-order Fermi mechanisms,
such as the diffusive shock acceleration (Bell 1978; Blandford &
Ostriker 1978). However, it is unclear whether such a single
power-law distribution is achieved, because the accretion flows are
unlikely to have a strong shock. Although shocked accretion flows
may be formed in hot accretion flows (e.g. Le & Becker 2005;
Becker, Das & Le 2008), we do not observe such structures in
the multidimensional global hydrodynamic simulations (Yuan &
Narayan 2014). In the accretion flows without shocks, CRs are
expected to be produced by magnetic reconnection (e.g. Hoshino
2012) and/or stochastic acceleration by turbulence (e.g. Lynn et al.
2014). Inside accretion flows, magnetorotational instability (MRI)
generates strong turbulence and induces magnetic reconnection
(e.g. Balbus & Hawley 1991, 1998; Sano & Inutsuka 2001).
Recent Particle-In-Cell (PIC) simulations show that when MRI
takes place in collisionless plasma, magnetic reconnection produces
non-thermal particles (Riquelme et al. 2012; Hoshino 2013, 2015;
Kunz, Stone & Quataert 2016). These non-thermal particles can
further be accelerated stochastically through interactions with larger
scale eddies. However, current PIC simulations cannot track such
a late-time phase because of the computational limitation, although
recent developments of computational resources and techniques
partially enable us to simulate particle acceleration in turbulence
(Comisso & Sironi 2018; Zhdankin et al. 2018). The stochastic
particle acceleration by magnetohydrodynamic (MHD) turbulence
is often modeled as a diffusion phenomenon in energy space (e.g.
Blandford & Eichler 1987), which has been applied to various
astrophysical objects such as galaxy clusters (e.g. Blasi 2000;
Brunetti & Lazarian 2007; Fujita, Akamatsu & Kimura 2016),
gamma-ray bursts (e.g. Asano & Terasawa 2009; Murase et al.
2012a), radio-lobes of radio galaxies (e.g. Hardcastle et al. 2009;
O’Sullivan, Reville & Taylor 2009), and blazars (e.g. Katarzyński
et al. 2006; Asano et al. 2014). Engaging this stochastic acceleration
model to the hot accretion flow at the Galactic center, we can
explain flares of Sgr A∗ (Liu, Petrosian & Melia 2004), TeV gamma-
rays from the Galactic Center (Liu et al. 2006; Fujita, Kimura &
Murase 2015), and perhaps PeV CRs observed at the Earth (Fujita,
Murase & Kimura 2017). In addition, Kimura et al. (2015) showed
that using the acceleration model, hot accretion flows in LLAGNs
can reproduce the high-energy neutrinos detected by IceCube. Note
that the model leads to a very hard spectrum, −1 ≤ s ≤ 0, compared
to the shock acceleration.

In the stochastic acceleration model, the diffusion coefficient in
energy space is approximated by a power-law function of energy, Dε

≈ D0(ε/ε0)q. The values of q and D0 depend on the power spectrum
of the MHD turbulence and interaction processes between CRs
and MHD waves (e.g. Cho & Lazarian 2006). For example, gyro
resonant scattering by Alfven modes makes the value of q equal
to the slope of the power spectrum of the turbulence (e.g. Dermer,
Miller & Li 1996; Becker, Le & Dermer 2006; Stawarz & Petrosian
2008). The turbulent strength, (δB/B0)2, is related to D0, and analytic
theories used in the works above assume that the turbulent strength is
smaller than unity. However, this condition is likely to be violated in
weakly magnetized accretion flows according to MHD simulations
(e.g. Stone & Pringle 2001; McKinney 2006; Suzuki, Takahashi &
Kudoh 2014). Applicability of the analytic models to the strong
turbulence has been investigated using test particle simulations, but
it is still controversial. The turbulence is usually provided by a
superposition of plane waves in the Fourier space (e.g. O’Sullivan
et al. 2009; Fatuzzo & Melia 2014; Teraki, Ito & Nagataki 2015),
or driven by some algorithms (e.g. Dmitruk et al. 2003; Lynn et al.

2014; Teaca et al. 2014). These studies are useful to investigate
features of the stochastic acceleration owing to their controllablity
of the turbulence. However, each astronomical object has a different
driving mechanism of turbulence, which may lead to a different
behaviour of the CR particles (see Roh, Inutsuka & Inoue 2016 for
supernova remnants and Porth et al. 2016 for pulsar wind nebulae).

Kimura et al. (2016) performed test-particle simulations in the
MRI turbulence, using the shearing box approximation (Hawley,
Gammie & Balbus 1995). However, the shearing box approxi-
mation has a few inconsistencies with the hot accretion flows,
such as geometrical thickness and non-negligible advection cooling
(Narayan & Yi 1994). More importantly, escape of CRs cannot be
implemented in a realistic manner. In this paper, we present results of
global simulations, which enables us to investigate behaviours of the
high-energy CRs more consistently. We perform MHD simulations
to model hot and turbulent accretion flows, and solve orbits of test
particles using the snapshot data of the MHD simulations. This
paper is organized as follows. First, we describe the global MHD
simulations dedicated to the hot accretion flows in Section 2. Then,
we show the results of the test-particle simulations in Section 3.
We discuss implications and future directions in Section 4 and
summarize our results in Section 5.

2 PRO P E RT I E S O F TH E M R I TU R BU L E N C E

2.1 Set-up for MHD simulations

We use the Athena++ code1 to solve the set of the ideal MHD
equations (Stone et al. 2008, in preparation):

∂ρ

∂T
+ ∇ · (ρV ) = 0, (1)

∂(ρV )
∂T

+ ∇ ·
(

ρV V − B B
4π

+ P ∗I
)

= −ρ∇&, (2)

∂Etot

∂T
+ ∇ ·

[(
Etot + P ∗) V − B · V

4π
B
]

= −ρV · ∇&, (3)

∂ B
∂T

− ∇ × (V × B) = 0, (4)

where T is the time for the MHD calculations, ρ is the density, V
is the velocity of the MHD fluid, B is the magnetic field, P∗ = P
+ B2/(8π ) is the total pressure, P is the gas pressure, I is the unit
tensor, and & is the gravitational potential. The total energy of the
fluid is written as

Etot = Eth + 1
2
ρV 2 + B2

8π
, (5)

and we use the equation of state for ideal gas, P = (γ s − 1)Eth

(γ s = 5/3 is the specific heat ratio and Eth is the thermal energy).
We solve the MHD equations in the spherical polar coordinate,
(R, θ , φ), using the second-order van Leer integrator, the second-
order piecewise linear reconstruction, the Harten–Lax–van Leer
Discontinuities (HLLD) approximate Riemann solver (Miyoshi &
Kusano 2005), and the constrained transport scheme. We use the
Newtonian gravitational potential, & = −GM/R, where G is the
gravitational constant and M is the mass of the central black hole
(BH). With this potential, we do not have to specify the values of the

1https://princetonuniversity.github.io/athena/
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field in Fig. 5. We can see that all the data sets have similar values for
a larger scale of m ! 10. The spectra for Br and Bθ are mPm ∝ m,
while those for Bφ are roughly mPm ∝ m1/2. For a smaller scale of
m " Nφ /10, the spectra decrease with m very rapidly for all the data
sets because of the numerical dissipation. The power spectra peak
at intermediate scale of m ∼ 10 − 20, depending on the resolution
and component. These features are consistent with the previous
calculations (Sorathia et al. 2012; Suzuki & Inutsuka 2014).

The fastest growing mode of the MRI is approximated to be LMRI

∼ 2πVA/$, where $ is the angular velocity. Saturation of MRI
turbulence is expected to be controlled either by the large-scale
magnetic reconnection (Sano & Inutsuka 2001; Sano et al. 2004)
or by the growth of the parasitic instabilities of Kelvin–Helmholtz
modes (Goodman & Xu 1994; Pessah 2010). These phenomena
occur inside the disc, where the largest scale is the scale height,
H ≈ Cs/$. Hence, the characteristic scale of the saturated MRI
turbulence should be the smaller one of the two, Ltur ≈ min(LMRI,
H). From Fig. 2, we roughly see VA ∼ Vφ,bulk/7 and Cs ∼ Vφ,bulk/2,
leading to LMRI ≈ 2πR/7 > H ≈ R/2. Hence, Ltur = H ≈ R/2. This
scale corresponds to m ∼ 13, which is consistent with the peaks of
the power spectra.

For the intermediate scale, we narrowly see that the spectra
gradually decrease with m. Theoretically, fully developed Alfven
turbulence results in Pk ∝ k

−5/3
⊥ and Pk ∝ k−2

‖ , where Pk is the
power spectrum, k⊥ and k! are the perpendicular and parallel wave
numbers to the background magnetic field, respectively (Goldre-
ich & Sridhar 1995). Such an anisotropic cascade takes place with
respect to the local magnetic field. In strong turbulence where the
large-scale magnetic field is significantly tilted, the direction of the
local magnetic field is not aligned. Then, the global Fourier analysis
would smear out the local anisotropy, resulting in Pk ∝ k−5/3 in all
the directions (Cho & Vishniac 2000). However, we cannot clearly
see the power-law shape in the power spectra of our simulations,
due to the insufficient dynamic range. Simulations with a higher
resolution and a higher-order reconstruction scheme are necessary
to determine the power-law index in the inertial range. To observe
the anisotropic feature, even more dedicated analyses reconstructing
coordinates based on the local magnetic field will also be required.
Note that the shape of these power spectra is independent of the
integration range of R, because the turbulence is generated by the
same mechanism at all the radii.

3 B E H AV I O U R S O F H I G H - E N E R G Y
PA RT I C L E S

3.1 Set-up for particle simulations

We calculate orbits of relativistic particles to investigate behaviour
of high-energy particles in the accretion flows. We ignore CR
injection mechanisms because they are related to small-scale plasma
processes. They should be investigated by other methods, such as
PIC simulations (Hoshino 2015; Kunz et al. 2016), which is beyond
the scope of this paper.

We solve the relativistic equation of motion for each CR particle:

d p
dt

= e
(

E + v × B
c

)
, (15)

where t is the time for particle calculation, c is the speed of light,
and p = γmpv, v, e, mp, and γ =

√
1 − (v/c)2 are the momentum,

velocity, charge, mass, and Lorentz factor of the CR particle,
respectively. Here, we neglect the gravity acting on the CR particle,

since it is typically weaker than the electromagnetic force by more
than 10 orders of magnitude. This equation is integrated using the
Boris method (e.g. Birdsall & Langdon 1991), which is often used
in PIC simulations. In the particle simulations, we use mp and e for
protons, but we can scale our simulation results to the heavy nuclei
using the rigidity R = ε/Z.

The snapshot data of the MHD simulations shown in Section 2.2
are used to obtain E and B. Since the MHD data contain the values
of V and B only at the discrete grid points, we first interpolate B and
V at the position of the particle using quadratic functions.3 Then,
we compute E through equation (10), using the interpolated B and
V . This procedure guarantees E · B = 0, so artificial acceleration
due to the interpolation is avoided. We initially distribute particles
on a ring of R = Rini and θ = π /2. The energy distribution of the
initial particles is monoenergetic and isotropic in the fluid frame
(see Section 3.2 for the definition of the fluid frame). The initial
radius is fixed at Rini = 0.3Rc for simplicity. We performed the
simulations with Rini = 0.2Rc, and checked that the results are
almost unchanged. The initial energy of the particle, εini, is given
so that the Larmor radius of the particle is equal to λini times the
grid scale: rL = εini/(ecBave) = λini)xini, where )xini = min()Rini,
Rini)θ , Rini)φ) is the grid scale at the initial ring. The time-step of
the particle calculation is determined by )t = min()tL, )tx), where
)tL = CsafetL,min = 2πCsafeεini/(ecBmax) and )tx = Csafe)xmin/c.
Here, Bmax is the maximum value of the magnetic field, )xmin is
the minimum length between the grids in the computational region,
and Csafe represents the safety factor that determines the time-step.
We set Csafe = 0.01. We performed some simulations with Csafe =
0.001, and confirmed that the results are unchanged by the values
of Csafe. As a fiducial value, we set λini = 4. With a smaller value
of λini, we cannot trace the resonant scattering process, while the
particles escape from the computational region too quickly with a
higher value of λini.

The computational region for the particle simulations is the same
with the MHD simulations except for the outer boundary in the
R direction. Since the dynamical structures of the outer parts of
the MHD simulations are affected by the initial conditions, we set
the outer boundary of the particle simulations to Resc = 0.6Rc. The
particles that go beyond the computational region are removed from
the simulation, and we stop the calculation when half of the particles
escape from the computational region.

We solve the equations of motion for Np = 214 = 16 384 particles,
using the MHD data sets shown in the previous section. To solve
the equation of motion, we need to convert the units used in the
MHD calculations to those of our interest. The units of the mass,
length, and time for the MHD calculations are written as Lu = Rc,
Mu = ρcR

3
c , and Tu =

√
R3

c /(GM), respectively. For our particle
simulations, we rescale these units as

Lu = χRs, (16)

Tu =

√
L3

u

GM
, (17)

Mu = ηṀEddTu, (18)

3Although we use the quadratic functions for the interpolation, the results
are very similar if we use the linear interpolation.
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Figure 3. Colormaps in the meridional plane for run A. Left: density on the φ = 0 plane. Center: magnetic energy density, B2/(8π ), on the φ = 0 plane. Right:
Azimuthally averaged Vφ , 〈Vφ〉L, on the R − φ plane. The white lines are iso-contours of 〈Vφ〉L.

Vbul, φ as the background velocity for analyses of the test-particle
simulations in Section 3.2.

Fig. 4 plots the colormaps of the density (upper) and the magnetic
energy (lower) on the equatorial plane. The magnetic fields are
frozen in the differentially rotating fluid elements that fall to the
BH. This creates the spiral structure as seen in the figure. We can
also see that the fluctuation of the density is much smaller than
that of the magnetic field energy density. This implies that the fast
modes are a sub-dominant component in the MRI turbulence.

To clarify the importance of the modes of the MHD waves (fast,
slow, and Alfven), we evaluate the Pearson correlation coefficients
between the fluctuations of the density, δρ(R, θ,φ) = ρ − 〈ρ〉L,
and the magnetic energy, δB2(R, θ, φ) = B2 − 〈B2〉L. According
to the linear MHD wave theory, the fast mode has a positive
correlation, the slow mode has a negative correlation, and the Alfven
mode has no correlation. We evaluate the correlation coefficients
as a function of R and θ , and average over them with weights
associated with the area in the meridional plane. The resulting
coefficients indicate that the density and magnetic energy are weakly
anticorrelated: the value of the coefficient is −0.22 in the disc
region (|cos θ ! 0.45|) for run A. The lower resolution runs have
higher coefficients, i.e. the anticorrelations are weaker, but no run
has a positive correlation. Therefore, the fast modes do not play
an important role in this system. This result is natural in the sub-
Alfvenic and sub-sonic turbulence.

Finally, we discuss the azimuthal power spectra of the turbulence
(cf. Sorathia et al. 2012; Suzuki & Inutsuka 2014; see Parkin &
Bicknell 2013 for three-dimensional power spectra). We take the
Fourier transformation in the azimuthal direction,

Xm = 1√
2π

∫
X exp(−imφ)dφ, (13)

where m = kφR (kφ is the wavenumber in the φ direction). Then,
we take the average of the power spectrum over the disc region:

Pm =
∫

|Xm|2RdRdθ∫
RdRdθ

, (14)

where the integration region is set to be 0.1Rc ≤ R ≤ 0.6Rc and
|cos θ | ≤ 0.45. We plot the power spectra, mPm, for the magnetic

Figure 4. Colormaps in the equatorial plane for run A. The upper and lower
panels show the density and the magnetic energy density, respectively.
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This is an erratum to the paper ‘Acceleration and escape processes
of high-energy particles in turbulence inside hot accretion flows’
(DOI: https://doi.org/10.1093/mnras/stz329), which was published
in MNRAS, 485, 163–178 (2019). In Fig. 4, we mistakenly
plotted the quantities using the wrong axes, causing the spiral
shape inconsistent with that in fig. 6. The correct plots are shown
here. The other results are unaffected, and the conclusions remain
unchanged.
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Figure 6. Orbits of test particles projected to the R − θ plane (upper panel)
and the R − φ plane (lower panel) for λini = 4. The initial and final positions
of the particles are shown by the stars and circles, respectively. In the bottom
panel, the cyan circle and black arrows indicate the initial ring R = Rini and
the rotation direction, respectively.

where eφ is the unit vector of the φ direction and Vbul, φ is inde-
pendent of θ . The bottom panel shows the momentum distribution
in the fluid frame, where we can see no bulk rotational motion. In
the following sections, we use the energy distribution in the fluid
frame. Note that the particle distribution is slightly anisotropic: the
particles tend to have positive pR and negative pφ . This is because
the particles tend to move radially outward along the spiral magnetic
field, as discussed above. This anisotropy becomes stronger in later
time and for higher energy particles (see Section 3.2.3). Since this
anisotropy appears in the particle simulations with all the MHD
data sets, the grid spacing and resolutions are not the cause of the
anisotropy.

3.2.2 Diffusion in energy space

We examine evolution of the energy distribution function in the fluid
frame. The time evolution of the energy distribution for λini = 4 is
shown in Fig. 8. We can see that the width of the energy distribution
increases with time. This motivates us to consider the diffusion
equation in the energy space.

In general, the transport equation, including the diffusion and
advection terms in both configuration and momentum spaces,

Figure 7. Momentum distributions at t = 10tL in the lab frame (upper)
and the fluid flame (lower) for λini = 4. We can see a bulk motion in the
lab-frame, while the bulk motion is not seen in the fluid frame.

Figure 8. Energy distribution function at t = 4tL, 10tL, and 25tL in fluid
flame for λini = 4. The distribution function diffuses in the energy space.

describes the evolution of the distribution function for the particles
with isotropic distribution in the fluid rest frame (e.g. Skilling
1975; Strong, Moskalenko & Ptuskin 2007). When the terms for
configuration space and the advection term in momentum space are
negligible, the transport equation may be simplified to the diffusion
equation only in momentum space (e.g. Stawarz & Petrosian 2008):

∂f

∂t
= 1

p2

∂

∂p

(
p2Dp

∂f

∂p

)
. (23)

Since the anisotropy in our system is not very strong, we apply this
equation to our system. We focus on the ultrarelativistic regime,
so the particle energy is approximated to be ε ≈ pc. Using the
differential number density, Nε = Np/c = 4πp2f/c, we can write

MNRAS 485, 163–178 (2019)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/485/1/163/5305870 by guest on 29 April 2019

SSK et al. 2019 MNRAS

High-energy particles in hot accretion flows 177

McKinney J. C., Tchekhovskoy A., Blandford R. D., 2012, MNRAS, 423,
3083

Miyoshi T., Kusano K., 2005, J. Comput. Phys., 208, 315
Murase K., Ioka K., Nagataki S., Nakamura T., 2008, Phys. Rev. D, 78,

023005
Murase K., Asano K., Terasawa T., Mészáros P., 2012a, ApJ, 746, 164
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APPENDI X A: DERI VATION OF RELATIO N
BETWEEN σ 2

ε A N D Dε

Under the approximation of Dε ≈ Dεini and 2Dε/ε ≈ vεini , equa-
tion (24) is expressed as

∂Nε

∂t
= Dεini

∂2Nε

∂ε2
− vεini

∂Nε

∂ε
. (A1)

The mean of the momentum is written as µε =
∫

Nεεdε/Nactv. Its
time derivative is

dµε

dt
= 1

Nactv

∫
ε
∂Nε

∂t
dε

≈ 1
Nactv

∫ (
εDεini

∂2Nε

∂ε2
− εvεini

∂Nε

∂ε

)
dε

= 1
Nactv

∫ (
−Dεini

∂Nε

∂ε
+ vεiniNε

)
dε

= vεini , (A2)

where we use a partial integration and Nε → 0 for ε → ∞ and ε

→ 0. Integrating both sides with t, we obtain

µε ≈ εini + vεini t (A3)

A similar calculation gives us the variance σ 2
ε . The variance of

the momentum is written as σ 2
ε =

∫
Nεε

2dε/Nactv − µ2
ε . Its time

derivative is

dσ 2
ε

dt
= 1

Nactv

∫
ε2 ∂Nε

∂t
dε − 2µε

dµε

dt

≈ 1
Nactv

∫ (
ε2Dεini

∂2Nε

∂ε2
− ε2vεini

∂Nε

∂ε

)
dε − 2µεvεini

≈ 1
Nactv

∫ (
−2εDεini

∂Nε

∂ε
+ 2εvεiniNε

)
dε − 2µεvεini

= 2Dεini . (A4)

Hence, we obtain

σ 2
ε ≈ 2Dεini t . (A5)

For the special case of Dε = Dεini (ε/εini)2, we can derive the time
evolution of µε and σ 2

ε by similar algebra without assuming that Dε

is constant. Using equation (24), the time derivative of µε is written
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Figure 6. Orbits of test particles projected to the R − θ plane (upper panel)
and the R − φ plane (lower panel) for λini = 4. The initial and final positions
of the particles are shown by the stars and circles, respectively. In the bottom
panel, the cyan circle and black arrows indicate the initial ring R = Rini and
the rotation direction, respectively.

where eφ is the unit vector of the φ direction and Vbul, φ is inde-
pendent of θ . The bottom panel shows the momentum distribution
in the fluid frame, where we can see no bulk rotational motion. In
the following sections, we use the energy distribution in the fluid
frame. Note that the particle distribution is slightly anisotropic: the
particles tend to have positive pR and negative pφ . This is because
the particles tend to move radially outward along the spiral magnetic
field, as discussed above. This anisotropy becomes stronger in later
time and for higher energy particles (see Section 3.2.3). Since this
anisotropy appears in the particle simulations with all the MHD
data sets, the grid spacing and resolutions are not the cause of the
anisotropy.

3.2.2 Diffusion in energy space

We examine evolution of the energy distribution function in the fluid
frame. The time evolution of the energy distribution for λini = 4 is
shown in Fig. 8. We can see that the width of the energy distribution
increases with time. This motivates us to consider the diffusion
equation in the energy space.

In general, the transport equation, including the diffusion and
advection terms in both configuration and momentum spaces,

Figure 7. Momentum distributions at t = 10tL in the lab frame (upper)
and the fluid flame (lower) for λini = 4. We can see a bulk motion in the
lab-frame, while the bulk motion is not seen in the fluid frame.

Figure 8. Energy distribution function at t = 4tL, 10tL, and 25tL in fluid
flame for λini = 4. The distribution function diffuses in the energy space.

describes the evolution of the distribution function for the particles
with isotropic distribution in the fluid rest frame (e.g. Skilling
1975; Strong, Moskalenko & Ptuskin 2007). When the terms for
configuration space and the advection term in momentum space are
negligible, the transport equation may be simplified to the diffusion
equation only in momentum space (e.g. Stawarz & Petrosian 2008):

∂f

∂t
= 1

p2

∂

∂p

(
p2Dp

∂f

∂p

)
. (23)

Since the anisotropy in our system is not very strong, we apply this
equation to our system. We focus on the ultrarelativistic regime,
so the particle energy is approximated to be ε ≈ pc. Using the
differential number density, Nε = Np/c = 4πp2f/c, we can write
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Figure 10. Parameter dependence of Dε . The upper panel shows the energy
dependence of Dε with various resolutions. The lower panel depicts the
dependence on χ with various η and M. We use λini = 4 and the MHD data
set of run A. We can see Dε,FTB is consistent with the simulation results
within a factor of 2. Dε,TTD is also consistent within a factor of 3.

We also estimate the values of Dε based on the above equation,
and the results agree with those obtained by σ 2

ε within a factor of 2
for λini ≤ 8 as shown in the Appendix, implying the improvement
compared to those based on equation (25). For the models with
λini ! 8, the anisotropy is large enough to affect the momentum
diffusion, and the agreement becomes worse. However, this does
not affect the discussion on the maximum energy in Section 4,
because in reality, high-energy particles escape from the system
before they attain the energy corresponding to λini ! 8.

3.2.3 Behaviour in configuration space

First, we discuss the displacement in R direction, which is directly
related to the escape process. We estimate time evolutions of the
mean and the variance of the radial displacement:

µδR = 1
Nactv

∑

j

δRj , (31)

σ 2
δR = 1

Nactv

∑

j

δR2
j − µ2

δR, (32)

where δRj = Rj − Rini is the radial displacement of each particle
and Nactv is the number of the confined particles. Summation is
performed over the particles confined in the computational region.
µδR represents the bulk motion of CR particles, while σ 2

δR expresses
the diffusive motion.

Figure 11. Time evolution of the mean and variance of the radial displace-
ment. The thin and thick lines depict µ2

δR and σ 2
δR for λini = 2 (solid), 4

(dashed), and 8 (dot-dashed), respectively. The dotted lines indicate the time
dependence of σ 2

δR .

Figure 12. Time evolution of the variance of the radial displacement (thick
lines) and the escape fraction (thin lines) for λini = 4 with the various
computational regions shown in the legend.

We show µ2
δR and σ 2

δR for the cases with various energies (λini =
2, 4, and 8) in Fig. 11. In the early phase, the diffusive motion is
more efficient than the bulk CR motion. From the figure, we see that
the stochastic behaviour of CRs in configuration space cannot be de-
scribed as a usual diffusion. If the particles obey the usual diffusion,
σ 2

δR ∝ t2 at the beginning, and σ 2
δR ∝ t after scattering time-scale

(e.g. Casse, Lemoine & Pelletier 2002; Cohet & Marcowith 2016).
In our simulation, σ 2

δR initially increases with t2. After about a half of
the Larmor time-scale, we see a transition to σ 2

δR ∝ t1.4, and finally,
σ 2

δR becomes flat at the time when the escape fraction becomes non-
negligible. We analyse the data with various computational regions,
and find that the behaviour is essentially the same; σ 2

δR rapidly
increases initially, and it is flattened when the escape becomes
effective, as seen in Fig. 12. This trend is similar for the cases
with different parameter sets and other sets of the snapshot data of
the MHD simulations. Thus, the radial variance is approximately
written as

σ 2
δR ∼ r2

L

(
ζ t

tL

)ξ

, (33)
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Figure 14. Parameter dependence of the escape timescale, tesc, at which
half of the particles escape from the computational region. The upper panel
shows the dependence on the particle energy, ε. The lower panel indicates the
dependence on the other parameters, M, χ , and η with a fixed value of λini =
4. The dotted and dashed lines are the escape time given by equations (36)
and (37), respectively.

Figure 15. Time evolution of the variance of the displacement in configu-
ration space, σ 2

δR (solid line), R2
iniσ

2
δθ (dashed line), and R2

iniσ
2
δφ (dot-dashed

line) for λini = 4. The dotted lines indicate the time dependence.

where δθ j = θ j − π /2 and δφj = φj − φj0 are the displacements in
θ and φ directions, respectively (φj0 represents the initial azimuthal
position), µδθ and µδφ are the means of the displacements. Fig. 15
plots σ 2

δR , R2
iniσ

2
δθ , and R2

iniσ
2
δφ for λini = 4. Initially, all lines increase

with t2, and later, they change the increasing rates to t1.3 − t1.4.
We can regard the break time as the mean free time for each
direction. The mean free time for the azimuthal direction is around
104 s, which is longer than those for the radial and polar directions

(∼tL/ζ # 7 × 102 s). This means that the particles stream to φ

direction without strongly being scattered for a longer time. Since
the magnetic field is directed to the azimuthal direction, this result
also indicates that particles tend to stream parallel to the magnetic
field. The mean free time in φ direction is the same order as the time
when βCR, bul becomes constant, ∼5tint. Since the particles escape
to radial direction, σ 2

δθ and σ 2
δφ continue to increase even after the

non-negligible fraction of the particles escape from the system. We
also estimate µδθ and µδφ , and find that the bulk motions in θ and φ

directions are sub-dominant for the parameter space we investigated
here.

To discuss whether scattering between waves and parti-
cles occurs, we often use the first adiabatic invariance, µad =
p2

⊥,∗/(2mB∗), where p⊥,∗ is the momentum perpendicular to the
magnetic field and the subscript ∗ indicates the values at the fluid
frame. In our simulation, since the magnetic field is turbulent in
the scale of the Larmor radius, the adiabatic invariance is not
conserved. Hence, we cannot use µad for measuring the mean free
time.

4 D ISCUSSION

4.1 Maximum energy of CRs

The escape time is given by equation (36) or (37), and the
acceleration time is written in equation (29). We here discuss
implications of these results, and estimate the maximum achievable
energy as an example. Since the acceleration time is longer than
the escape time shown in Fig 14, the expected maximum energy is
lower than those assumed in our simulations. For the lower energy
particles, tesc, d is shorter than tesc, b. Equating the acceleration time
and the diffusive escape time, we obtain the maximum energy:

εmax ≈
(

3ζ

16π

c2

V 2
R,tur

Ltur

rL,i

) ξ
ξ−2

(
Resc − Rini

rL,i

) 2
2−ξ

εi

∼ 0.07M
1/2
8 χ−2.1

1.7 η
1/2
0 PeV (40)

where rL, i is the Larmor radius for the particles of ε = εi and we use
ξ = 1.3 and ζ = 3 to obtain the value. A higher BH mass makes the
system size larger, which helps to accelerate CRs to higher energy.
The magnetic field is stronger for a higher η or smaller χ , leading
to the higher εmax. Note that even if we use tesc, b instead of tesc, d,
the estimate does not drastically change.

For χ = 10, which corresponds to Rini = 3Rs, the maximum
energy is εmax # 2 PeV. With this energy, we may expect production
of high-energy neutrinos of ∼0.1 PeV from accretion discs through
inelastic hadronic collision and photomeson production (Kimura
et al. 2015). Indeed, the astrophysical neutrinos of 0.01−10 PeV
are detected by IceCube (Aartsen et al. 2015a,b), and LLAGNs are a
good candidate of the neutrino source (Kimura et al. 2015; Khiali &
de Gouveia Dal Pino 2016). On the other hand, the maximum energy
for Galactic X-ray binaries of 10 M( is at most a few TeVs according
to equation (40). This means that hot accretion flows in Galactic X-
ray binaries cannot produce neutrinos detected by IceCube through
the turbulent acceleration mechanism.

Our results imply that the hot accretion flow cannot accelerate
ultrahigh-energy CRs (UHECRs). A higher η, i.e. higher mass
accretion rate, results in forming a standard thin disc (Shakura &
Sunyaev 1973; Ohsuga & Mineshige 2011), where the Coulomb
loss prevents the particles from being accelerated (Kimura et al.
2014, 2015). This condition gives η ! 10 (see Section 3.1). The
initial radius should be larger than a few Rs for the CRs to escape
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distributions (SEDs) are constructed from the data and from
empirical relations, and then we compute neutrino and
cascade gamma-ray spectra by consistently solving particle
transport equations. We demonstrate the importance of
future MeV gamma-ray observations for revealing the
origin of IceCube neutrinos especially in the medium-
energy (∼10–100 TeV) range and for testing neutrino
emission from NGC 1068 and other AGN.
We use a notation with Qx ¼ Q × 10x in CGS units.
Phenomenological prescription of AGN disk coronae.—

We begin by providing a phenomenological disk-corona
model based on the existing data. Multiwavelength SEDs
of Seyfert galaxies have been extensively studied, consist-
ing of several components; radio emission (see Ref. [60]),
infrared emission from a dust torus [61], optical and
ultraviolet components from an accretion disk [62], and
x rays from a corona [33]. The latter two components are
relevant for this work.
The “blue” bump, which has been seen in many AGN, is

attributed to multitemperature blackbody emission from a
geometrically thin, optically thick disk [63]. The averaged
SEDs are provided in Ref. [64] as a function of the
Eddington ratio, λEdd ¼ Lbol=LEdd, where Lbol and LEdd ≈
1.26 × 1045 erg s−1ðM=107 M⊙Þ are bolometric and
Eddington luminosities, respectively, and M is the
SMBH mass. The disk component is expected to have a
cutoff in the ultraviolet range. Hot thermal electrons in a
corona, with an electron temperature of Te ∼ 109 K,
energize the disk photons by Compton upscattering. The
consequent x-ray spectrum can be described by a power
law with an exponential cutoff, in which the photon index
(ΓX) and the cutoff energy (εX;cut) can also be estimated
from λEdd [31,65]. Observations have revealed the relation-
ship between the x-ray luminosity LX and Lbol [66] [where
one typically sees LX ∼ ð0.01 − 0.1ÞLbol], by which the
disk-corona SEDs can be modeled as a function of LX and
M. In this work, we consider contributions from AGN with
the typical SMBH mass for a given LX, using M ≈ 2.0 ×
107 M⊙ðLX=1.16 × 1043 erg s−1Þ0.746 [67]. The resulting
disk-corona SED templates in our model are shown in

Fig. 2 (see Supplemental Material [68] for details), which
enables us to quantitatively evaluate CR, neutrino and
cascade gamma-ray emission.
Next we estimate the nucleon density np and coronal

magnetic field strength B. Let us consider a corona with
the radius R≡RRS and the scale height H, where R is
the normalized coronal radius and RS ¼ 2GM=c2 is the
Schwarzschild radius. Then the nucleon density is
expressed by np ≈ τT=ðσTHÞ, where τT is the Thomson
optical depth that is typically ∼0.1–1. The standard
accretion theory [69,70] gives the coronal scale height
H≈ðCs=VKÞRRS¼RRS=

ffiffiffi
3

p
, whereCs ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
kBTp=mp

p
¼

c=
ffiffiffiffiffiffiffi
6R

p
is the sound velocity, and VK ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GM=R

p
¼

c=
ffiffiffiffiffiffiffi
2R

p
is the Keplerian velocity. For an optically thin

corona, the electron temperature is estimated by
Te ≈ εX;cut=ð2kBÞ, and τT is empirically determined from
ΓX and kBTe [31]. We expect that thermal protons are at
the virial temperature Tp ¼ GMmp=ð3RRSkBÞ ¼ mpc2=
ð6RkBÞ, implying that the corona may be characterized by
two temperatures, i.e.,Tp > Te [71,72]. Finally, themagnetic
field is given by B ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πnpkBTp=β

p
with plasma beta (β).

Many physical quantities (including the SEDs) can be
estimated observationally and empirically. Thus, for a given
LX, parameters characterizing the corona (R, β, α) are
remaining. They are also constrained in a certain range by
observations [73,74] and numerical simulations [45,47].
For example, recent MHD simulations show that β in the
coronae can be as low as 0.1–10 (e.g., Refs. [41,46]). We
assume β ≲ 1–3 and α ¼ 0.1 for the viscosity parameter
[63], and adopt R ¼ 30.
Stochastic proton acceleration in coronae.—Standard

AGN coronae are magnetized and turbulent, in which it is
natural that protons are stochastically accelerated via
plasma turbulence or magnetic reconnections. In this work,
we solve the known Fokker-Planck equation that can
describe the second order Fermi acceleration process

FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by plasma turbulence generated in the
coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

FIG. 2. Disk-corona SEDs used in this work, for LX ¼ 1042,
1043, 1044, 1045, and 1046 erg s−1 (from bottom to top). See text
for details.
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• IceCube discovered evidence of neutrino signal from Seyfert galaxy


• We constructed neutrino emission models from coronae and RIAFs


• Our models can explain IceCube data without contradicting γ-ray data


• MHD + test-particle simulations confirmed that CR particles in accretion flows 
can be described by diffusion equation in energy space
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Figure 3. Colormaps in the meridional plane for run A. Left: density on the φ = 0 plane. Center: magnetic energy density, B2/(8π ), on the φ = 0 plane. Right:
Azimuthally averaged Vφ , 〈Vφ〉L, on the R − φ plane. The white lines are iso-contours of 〈Vφ〉L.

Vbul, φ as the background velocity for analyses of the test-particle
simulations in Section 3.2.

Fig. 4 plots the colormaps of the density (upper) and the magnetic
energy (lower) on the equatorial plane. The magnetic fields are
frozen in the differentially rotating fluid elements that fall to the
BH. This creates the spiral structure as seen in the figure. We can
also see that the fluctuation of the density is much smaller than
that of the magnetic field energy density. This implies that the fast
modes are a sub-dominant component in the MRI turbulence.

To clarify the importance of the modes of the MHD waves (fast,
slow, and Alfven), we evaluate the Pearson correlation coefficients
between the fluctuations of the density, δρ(R, θ,φ) = ρ − 〈ρ〉L,
and the magnetic energy, δB2(R, θ, φ) = B2 − 〈B2〉L. According
to the linear MHD wave theory, the fast mode has a positive
correlation, the slow mode has a negative correlation, and the Alfven
mode has no correlation. We evaluate the correlation coefficients
as a function of R and θ , and average over them with weights
associated with the area in the meridional plane. The resulting
coefficients indicate that the density and magnetic energy are weakly
anticorrelated: the value of the coefficient is −0.22 in the disc
region (|cos θ ! 0.45|) for run A. The lower resolution runs have
higher coefficients, i.e. the anticorrelations are weaker, but no run
has a positive correlation. Therefore, the fast modes do not play
an important role in this system. This result is natural in the sub-
Alfvenic and sub-sonic turbulence.

Finally, we discuss the azimuthal power spectra of the turbulence
(cf. Sorathia et al. 2012; Suzuki & Inutsuka 2014; see Parkin &
Bicknell 2013 for three-dimensional power spectra). We take the
Fourier transformation in the azimuthal direction,

Xm = 1√
2π

∫
X exp(−imφ)dφ, (13)

where m = kφR (kφ is the wavenumber in the φ direction). Then,
we take the average of the power spectrum over the disc region:

Pm =
∫

|Xm|2RdRdθ∫
RdRdθ

, (14)

where the integration region is set to be 0.1Rc ≤ R ≤ 0.6Rc and
|cos θ | ≤ 0.45. We plot the power spectra, mPm, for the magnetic

Figure 4. Colormaps in the equatorial plane for run A. The upper and lower
panels show the density and the magnetic energy density, respectively.
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